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HIGH MASS X-RAY BINARIES IN THE MILKY WAY AND BEYOND: A

MULTIWAVELENGTH TEMPORAL AND SPECTROSCOPIC STUDY

by Elizabeth Shirley Bartlett

High Mass X-ray Binaries (HMXBs) represent an important stage in the evolution
of massive stars and are some of the brightest sources in the X-ray sky. In the
first half of this thesis a detailed analysis of X-ray observations of two HMXBs,
the Be/X-ray Binary (BeXRB) Swift J045106.8-694803 and thesupergiant/X-ray
Binary XTE J0421+560/CI Camelopardalis, is presented. Simulations of the X-
ray spectrum of Swift J045106.8-694803 show that both the spectral and timing
properties can be reproduced by a blackbody and power law pulsating∼ π out of
phase with each other. The pulse profile of the blackbody is used to determine
the angle between the rotation and magnetic axes of the neutron star and the an-
gle between the rotation axis and line of sight. The apparently broad iron line of
XTE J0421+560 is decomposed into three intrinsically narrow lines, FeI-Kα, FeI-
Kβ and FeXXIV -XXV Kα. The light curve extracted in the energy range defined as
the Fe-Kα line from the spectral fits shows marginal evidence for a lag when cross
correlated with that of the continuum. The lag is interpreted as the light crossing
time of the circumbinary torus and implies a radius of 10 AU. The second part of
this thesis considers HMXBs as a population. I describe the search for XRBs in
the Phoenix dwarf galaxy, a Local Group dwarf irregular galaxy which share many
similarities with the Small Magellanic Cloud (SMC), which hasan apparent over-
abundance of HMXBs. Finally, I discuss why the BeXRB population in the SMC
is ideal for population studies and outline the work done to search for evidence for
two different neutron star formation channels in their physical parameters.
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1
Introduction

With over 70% of all massive stars being formed in binary systems, X-ray binaries

(XRBs), particularly High Mass X-ray Binaries (HMXBs), represent an important

step in the evolution of massive stars (Sanaet al., 2012). XRBs are defined as as

a neutron star or black hole primary accreting matter from a secondary star (e.g.

Lewin et al. 1997). Whilst the definition is often extended to include white dwarf

accretors, this thesis adheres to the conventional definition of XRBs outlined above.

XRBs are classified according to the mass of the companion star, High Mass X-

ray Binaries (HMXBs) typically have donor stars withM & 10M⊙ and spectral type

OB whilst Low Mass X-ray Binaries (LMXBs) have donor stars with M . 1M⊙ and

later than type A (Lewinet al., 1997; Lewin and van der Klis, 2006). In rare cases

the secondary in an LMXB can even be a white dwarf (Rappaportet al., 1987). De-

spite this apparently simple categorisation, HMXBs and LMXBs have very different

X-ray and optical properties and accrete via different mechanisms. This thesis is fo-

cused on the optical and X-ray behaviour of HMXBs with neutron star counterparts,

as such LMXBs are not discussed in any great depth but to contrast their general

properties against those of HMXBs.

1



2 Chapter 1. Introduction

Figure 1.1: Schematic of binary evolution and HMXB formation. Editted from
Lewin and van der Klis (2006)

1.1 X-ray Binary Formation

The type of XRB formed depends on the mass ratio of the primordial binary, q,

as well as the masses of the individual stars. Figure 1.1 depicts the formation of

an HMXB. Initially (a in Fig 1.1) the binary system consists of two massive (&

8M⊙) stars of roughly similar mass (q≡ M1/M2 ∼ 1.8, whereM1 is the mass of the

initially more massive star throughout). More massive stars have to fuse hydrogen at

a greater rate to remain in hydrostatic equilibrium and so both the luminosity,L, and

lifetime, T, of a star are heavily dependent on its mass (L ∝ M 3.5 andT ∝ M−2.5).

As such the more massive star,S1 evolves off the main sequence first. It expands as

hydrogen fusion is ignited in layers around the helium core,filling its Roche-Lobe

(stepb).

The Roche-Lobe is the hypothetical “sphere” of gravitational influence around

each of the binary components, and depends on the mass ratio and semi-major axis

of the orbit. There are five points around the system (Lagrangian points) at which

the effective potential is zero, three of which lie on the hypothetical line that runs

through the two components and their centre of mass. The Roche-Lobes, equipo-

tential contours and Lagrangian points for a binary with similar properties to that

in Figure 1.1 are shown in Figure 1.2. The Roche-Lobes of the primary and sec-
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Figure 1.2: Cross-section in the equatorial plane of a HMXB progenitor. The five
Lagrangian points are marked along with the Roche surfaces and equipotential
contours. Editted from Lewin and van der Klis (2006)

ondary meet at the Lagrangian point between the two stars,L1, and material from

the companion star can flow through this point into the Roche-Lobe of the initially

less massive star,S2, and thus be accreted.

The transfer of material from one star to the other causes thesemi-major axis,

a, and hence the orbital period,P, to alter. The total angular momentum,J, of the

system (ignoring the spin of the individual components) canbe expressed as

J = IΩ = (M1a2
1 +M2a2

2)Ω (1.1)

whereI is the moment of inertia of the system andΩ is the angular velocity. From

the definition of Centre of Mass,M1a1 = M2a2. Using this and Kepler’s third law

Ω2 =
GM
a3 (1.2)
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to substitute in forΩ and rearranging fora one obtains

a =
MJ2

GM2
1M2

2

(1.3)

whereM is the total mass of the system andG is the gravitational constant. This

can be logarithmically differentiated to get

ȧ
a

= 2
J̇
J
−2

Ṁ1

M1
−2

Ṁ2

M2
+

Ṁ
M

(1.4)

For conservative mass transfer,Ṁ andJ̇ are zero andṀ2 = −Ṁ1. This leads to

ȧ
a

= 2
Ṁ2

M2

(

M2

M1
−1

)

(1.5)

Equation 1.5 shows how the semi-major axis changes with the direction of mass

transfer and the evolution of the mass ratio. If the accretor(M2) is less massive

than the donor star (̇M2 > 0, M2/M1 < 1) the semi major orbit decreases. If the

accretor is more massive than the donor (Ṁ2 > 0, M2/M1 > 1) the semi-major orbit

increases. This means that initially the orbit of the binaryshrinks before expanding

as the mass ratio inverts (stepc) leaving only the helium core ofS1. Eventually

the helium core goes supernova (stepd) disrupting the binary system considerably.

This leaves a compact object, in this case a neutron star, which can then accrete

matter off the now more massive star (stepe), either via Roche Love overflow or

from the stellar wind.

The formation of an LMXB requires a much greater difference in mass between

the two stars. As with the HMXBs, the massive star evolves offthe main sequence

first and expands. However almost immediately after mass transfer begins the donor

star engulfsS2 and the system undergoes common envelope evolution. The semi-

major axis of the orbit is greatly reduced as frictional forces reduce the velocity of

S2, causingS2 to spiral in towards the donor star. If enough energy is released as the

orbit shrinks the envelope is expelled leaving the helium core of the donor star and

S2 in a tight orbit (Porb < 1 day). The helium core then goes supernova, resulting in

a compact object in a tight orbit around a star with mass comparable to that of the

sun.
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1.2 The Neutron Star

By definition, HMXBs are a strong source of X-ray radiation. These photons are

emitted by the accreted material at or close to the neutron star surface. The lumi-

nosity of the system,L, is synonymous with the mass accretion rateṀ.

L =
dE
dt

=
GMNSṀ

RNS
(1.6)

whereMNS andRNS are the mass and radius of the neutron star respectively. The

Eddington luminosity,LEdd, is the luminosity at which the radiation pressure on the

infalling material is equal to the gravitational pull of thestar. The radiative flux of

the neutron star at a distance,r is:

dE
dtdA

=
L

4πr2 (1.7)

For photons,E = pcwherep is the momentum of the photon. The force exerted on

a electron is:

dp
dt

=
σT

c
dE

dtdA
(1.8)

=
LσT

4πcr2 (1.9)

whereσT is the Thomson cross section for the electron. Equating thiswith the

gravitational force gives:

GMNSmp

r2 =
LEddσT

4πcr2 (1.10)

LEdd =
4πcGmp

σT
MNS (1.11)

≃ 1.2×1038MNS

M⊙
erg s−1 (1.12)

wheremp is the mass of a proton. A typical neutron star mass,MNS = 1.4M⊙,

leads to anLEdd ∼ 2×1038 erg s−1. In theory, stable accretion cannot exceed this

luminosity, as the radiation pressure will blow away the infalling material, cutting

off the source of the X-rays.

The neutron stars in HMXBs have some of the strongest magnetic fields seen in

the observable universe, with magnetic fieldsB ≥ 1010 G (Cheng and Dai, 1997).
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This magnetic field interacts with the infalling material atthe Alfvén radius,rA.

This is the radius at which the ram pressure of the infalling material is equalled by

the magnetic pressure outwards.

B2

8π
= ρv2 (1.13)

1
8π

(

µ
r3
A

)2

= ρv2 (1.14)

B is the magnetic field,ρ andv are the density and velocity of the infalling material

respectively andµ is the magnetic moment. The material is assumed to be free

falling radially and sov = vf f =
√

2GMNS/r

µ2

8πr6
A

=
2ρGMNS

rA
(1.15)

which can be rearranged to give:

rA =

(

µ2

16πρGMNS

)

1
5

(1.16)

Substituting in forρ = Ṁ/(4πvf f r2) andvf f leads to:

rA =

(

µ4

8GMNSṀ2

)

1
7

(1.17)

At r ≤ rA material follows the field lines, is funnelled into an accretion column

and onto the magnetic poles (Basko and Sunyaev, 1976). This leads to X-rays

being emitted from very localised areas on or close to the neutron star surface. If

the magnetic and spin axes of the neutron star are misalignedthen a “lighthouse

effect” is observed: the X-rays are modulated as the neutronstar rotates. These

neutron stars are called “pulsars”. To observe a pulsar the X-ray beam must sweep

across our line of sight, as such there will be several highlymagnetised, accretion

powered neutron stars that are not observed as pulsars due toorientation effects.

Figure 1.3 shows the two possible accretion geometries for X-ray pulsars, the

“fan” beam and the “pencil” beam. The geometry observed depends on the mass

accretion rate (and so luminosity). For small to moderateṀ, most of the photons

emerging from the accretion mound are emitted parallel to the magnetic field, as

the photon scattering cross-section is reduced along the magnetic field lines. This
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Figure 1.3: Accretion Geometries proposed by Basko and Sunyaev (1975, 1976).
Fan beam (left) and pencil beam (right). Figure taken from Schönherret al.(2007)

results in a pencil beam (Basko and Sunyaev, 1975). For larger values ofṀ the

infalling material forms a radiative shock. The accretion flow is decelerated and the

material sinks towards the neutron star surface. The optical depth of the accretion

column is much greater than 1 and so photons cannot escape vertically, parallel to

the magnetic field. Instead the sinking gas emits these photons sideways, perpen-

dicular to the magnetic field, forming a fan beam (Basko and Sunyaev, 1976). The

pulse profiles of these two geometries are expected to have different shapes, a sim-

ple sinusoid for a pencil beam and a more complex double peak structure for a fan

beam. The observational properties of the two different geometries are discussed in

Section 1.4.3

Another crucial radius for neutron stars in HMXBs is the corotation radius. This

is the radius at which the angular velocity of the Keplerian disc,ΩK(r), equals that

of the neutron star,ΩNS. This depends only on the spin period of neutron star,Pspin.

From Kepler’s third law we have:

Ω2
NS=

(

2π
Pspin

)2

=
GMNS

r3
co

(1.18)
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Figure 1.4: Diagram of the accretion flows onto the neutron star (from Ghosh and
Lamb 1979). The boundary layer spans fromr0 to rco

which can be rearranged to give:

rco =

(

GMNS

4π2 P2
spin

)1/3

(1.19)

The ratio ofΩNS to the angular velocity of the disc at the Alfvén radius,ΩK(rA),

is the fastness parameter,ω (Illarionov and Sunyaev, 1975). The value ofω has

important implications for the spin period of the neutron star. If ω < 1 (i.e. rA < rco)

then the Keplerian disc is rotating faster than the magnetosphere of the neutron star

at rA. The material then effectively drags the magnetosphere (and hence the neutron

star) round, transferring angular momentum from the disc onto the star, reducing

Pspin. If ω > 1 (rA > rco) then the Keplerian disc is rotating at a slower rate than the

magnetosphere of the neutron star atrA and angular momentum is transferred from

the neutron star to the disc. This causes the spin period to increase.

In practise, the change inΩK(r) to ΩNS does not occur atrA but over a short

distance, called the boundary layer (see Fig. 1.4). In this layer both of the situations

described above can occur simultaneously and it is the net effect of these torques

that determines whether the pulsar is spun up or down. The accretion torque de-

pends onM⊙ andB, and so for a given magnetic field and mass accretion rate, there

will be a spin period for which the net torque on the star is zero. This is the equi-

librium period of the pulsar and the neutron star evolves towards this value through

out its lifetime. Substitutingµ = BR3
NS and Equation 1.6 into Equation 1.17 and
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equating with Equation 1.19 leads to

Peq = C

(

R15
NSB

6

M 2L3

)
1
7

(1.20)

whereC is a constant. This leads to

Peq∼ 2

(

R15
6 B6

12

M 2
1 L3

37

)
1
7

(1.21)

whereR6 is the neutron star radius expressed in units of 106 cm,B12 is the magnetic

field in units 1012 G, L37 is the X-ray luminosity in units of 1037 erg s−1 andM1 is

the mass of the neutron star in solar masses. The equilibriumperiod is discussed in

Section 1.5.5

If rA >> rco then material is unable to follow the field lines. The centrifugal

force inhibits the accretion onto the neutron star and material is ejected from the

system. This is known as the propeller effect. The value ofω at which the system

enters the propeller regime is not known, however the linearvelocity, vK of the

Keplerian disc atrA, should exceed the escape velocity,vesc. Again, Kepler’s third

law gives:

Ω2
K =

(

vK

rA

)2

=
GM

r3
A

(1.22)

v2
K =

GM
rA

(1.23)

The right hand side of Equation 1.23 is recognisable as halfv2
esc, obtained by equat-

ing the kinetic energy and gravitational potential energy of a particle. This leads to

vesc=
√

2vK andω >
√

2.

Neutron stars with magnetic fields greater than the quantum critical valueBcrit

are termed “magnetars”. AsB tends towardsBcrit , the cyclotron energy of the

plasma electrons approaches their rest mass energy. Equating the Lorentz force

with the centripetal force

evBcrit =
mev2

r
(1.24)

ωcyc =
v
r

=
eBcrit

me
(1.25)
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Figure 1.5: Schematic of an LMXB taken from Lewin and van der Klis (2006).

whereωcyc is the cyclotron frequency,e is the charge on the electron andme is the

rest mass of the electron in kg. Multiplying this bȳh and equating with the rest

mass energy of the electron gives

h̄eBcrit

me
= mec

2 (1.26)

Bcrit =
m2

ec2

eh̄
= 4.4×1013G (1.27)

where equations 1.26 and 1.27 are in SI units. Expressed in the centimetre-gram-

second unit system more commonly used by theoretical physicists, the formula

becomes the more familiarBcrit = (m2
ec3)/(eh̄). At values ofB > Bcrit classical

physics can no longer be used to describe the motion of the electrons.

1.3 LMXBs

Figure 1.6 shows a schematic of an LMXB. LMXBs are classified according to their

compact object and the fraction the X-ray luminosity is of the Eddington luminosity,

amongst other things. The X-ray luminosities of LMXBs can range from 1030.5−
1039 ergs s−1 depending on the compact object and the source “state”, determined

via spectral and timing analysis.

The small semi-major axes of LMXBs means that the Roche radius (The radius

of the Roche-Lobe) is always less than the stellar radius andhence the companion

star always fills its Roche-Lobe. As detailed in Section 1.1,the material flows from

the companion star viaL1, transferring angular momentum from the secondary to

the primary. The specific angular momentum of the infalling material (i.e. the
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angular momentum per unit mass),h, can be expressed as

h =
J
m

= R2
circΩ (1.28)

whereRcirc is the radius at which the material would orbit if it retainedangular

momentum but not energy (Lewin and van der Klis, 2006). Kepler’s third law gives

Ω2 =
GMacc

R3
circ

(1.29)

whereMacc is the mass of the accretor. Substituting Equation 1.29 into1.28 and

rearranging forRcirc gives

Rcirc =
h2

GMacc
(1.30)

If Rcirc is greater than the effective radius of the compact object (i.e. the radius

of the magnetosphere if the object has a significant magneticfield, or the physical

radius of the object if not) then the material cannot be transferred directly onto

the compact object, instead it forms a ring orbits the accretor at radiusRcirc. The

material in this ring slowly spirals both into and away from the compact object as

its energy is dissipated and its angular momentum transferred outward. The ring

of material is then transformed into a disc, known as an accretion disc. These are

present in all LMXBs.

The energy in the accretion disc is lost in the form of heat causing the accretion

disc to emit electromagnetic radiation. It is the accretiondisc that dominates the

spectral energy distribution of LMXBs with direct emissionin the X-rays and re-

processed X-ray emission at optical wavelengths. It is rarely possible to see optical

emission from the companion star itself, instead what is seen is a hot continuum,

with Doppler broadened H and He emission lines from the inneraccretion disc.

Unlike HMXBs, LMXBs rarely harbour an X-ray pulsar. This is because the

magnetic fields of the neutron stars in LMXBs are 10−1−10−4 times lower than

those in HMXBs, and so the accreted material is not funneled onto the polar caps.

Instead the material builds up as a layer on the neutron star surface. When the

material at the bottom of the layer reaches a critical density and temperature nuclear

fusion takes place, raising the temperature and leading to runaway thermonuclear

burning on the surface of the neutron star. These are observed as X-ray bursts and

are characterised by a rapid increase in flux (on second timescales) followed by

an approximately exponential decay. A handful of LMXBs havebeen discovered

with pulsations during these thermonuclear burst, all withmillisecond spin periods.
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Figure 1.6: Schematic of a BeXRB taken from Lewin and van der Klis (2006).

These are thought to be “recycled” pulsars, i.e. slow rotating pulsars which have

been spun up due to long periods of high mass accretion. For a full discussion on

the X-ray and optical properties of LMXBs and accretion discformation see Lewin

and van der Klis (2006) and Franket al. (2002).

1.4 HMXBs

1.4.1 BeXRBs: Overview

Figure 1.6 shows a schematic of a BeXRB. BeXRBs were first recognised as sep-

arate class of HMXB by Maraschiet al. (1976) and are now the most numerous

subclass of HMXB (Liuet al., 2006). The compact objects in these systems are ex-

clusively neutron stars in an eccentric orbit around a main sequence Be star. There

appears to be an emerging class of Be binary with white dwarf counterparts (e.g.

Kahabkaet al.2006; Sturmet al.2012a; Liet al.2012) suggesting that the HMXB

criteria could be, and indeed regularly is, extended to include white dwarfs. Thus

far, not a single BeXRB binary has been found to host a black hole. Belczynski

and Ziolkowski (2009) use binary population synthesis models to show that the ex-

pected ratio of BeXRBs with neutron stars to black holes in the Galaxy is relatively

high (∼ 30−50), and so broadly in line with observations. Interestingly, the popu-



1.4 HMXBs 13

lation synthesis of Be/white dwarf binaries by Raguzova (2001) predicts that these

sources should outnumber the “classic” BeXRBs∼7:1. They note a large number

of selection effects which could drastically restrict the number of sources observed.

Be stars are rotating rapidly at close to the the critical breakup velocity (Townsend

et al., 2004), causing an enhancement in the equatorial material which replenishes

a circumstellar disc around the star (Lamers and Waters, 1987). Whether the ro-

tation of the star is sufficient to create this disc is a subject of much debate and

is an area of active research (Porter and Rivinius, 2003). The presence of a disc

leads to hydrogen emission lines in the spectrum (and hence the ’e’ designation,

Collins II 1987). This is a transient phenomenon and thus any Bstar that has ex-

hibited hydrogen emission lines in its spectrum at some timeis classed as a Be star.

The transient nature of these discs could be linked to the hypothesised secondary

production mechanism (Porter and Rivinius, 2003).

There are two types of X-ray outburst associated with the X-ray emission of

BeXRBs: Type I outbursts haveLX in the range 1036− 1037 ergs s−1 and occur

periodically around the time of the periastron passage of the neutron star (see Fig

1.6). Type II outbursts reach higher luminosities, LX ≥1037 ergs s−1, last much

longer and show no correlation with orbital phase (Stellaet al., 1986). These are

thought to be caused by an enhancement of the circumstellar disc allowing accretion

to occur at any phase of the orbit at a much higher rate. Laycock et al. (2010)

detected quiescent luminosity in some of these systems downto LX = 1033−1034

ergs s−1.

Temporary accretion discs are thought to be formed at or around the periastron

passage of the neutron star, facilitating mass transfer (Okazaki and Negueruela,

2001). Figure 1.7 shows the two scenarios for the disc formation. In scenario A.

the disc of the Be star exceeds its Roche-Lobe as the neutron approaches periastron

(da
dt < 0). Material is then lost from the disc and is accreted by the neutron star, via

an accretion disc. As the separation of the bodies increases(da
dt > 0), the Be star no

longer exceeds its Roche-Lobe, the overflow halts and the accretion disc disappears.

The other scenario requires a precessing density wave in theBe star’s circumstellar

disc. If the neutron star and disc precession period are in phase, overflow occurs and

an accretion disc is formed. Once again, as the separation increases and the Roche-

Lobe is no longer exceeded, the disc fades. This repeats for each orbit until the

precession and orbital periods are no longer in phase. The observational properties

of density waves are discussed in Section 1.4.4.
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Figure 1.7: Two possible scenarios for disc formation in BeXRBs, taken from
Okazaki and Negueruela (2001)

1.4.2 sgXRBs: Overview

The orbits of sgXRBs tend to have shorter periods than those of BeXRBs (tens of

days vs. hundreds of days, see section 1.5.5) and lower eccentricities. This is no

coincidence as tidal interactions circularise the orbits of close binaries on astronom-

ically short timescales (North and Zahn, 2003). Consequently, the compact objects

in sgXRBs are constantly embedded in the dense, approximateuniform stellar wind

of the companion star. Accretion occurs via the Bondi–Hoyle–Lyttleton mechanism

(Bondi and Hoyle 1944; Bondi 1952 for a recent review see Edgar 2004), the mass

transfer of which can be approximated by:

Ṁ =
4πρG2M 2

NS

v3
rel

(1.31)

whereG is the gravitational constant,MNS is the mass of the neutron star,vrel is the

velocity of the neutron star relative to the circumstellar material andρ is the density

of the material.

The winds of these massive stars are driven by the radiation pressure on the

atoms in the stellar atmosphere by photons with energies equal to absorption line

transitions (so called “Line driven” winds, Lucy and Solomon 1970). In addition to

the strong stellar winds, a number of these stars have atmospheres which extend out

passed their Roche-Lobe, allowing a substantial amount of material to be transferred
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via “atmospheric Roche-Lobe overflow”. The environments ofsgXRBs make them

persistent sources of X-rays with luminosities,LX, 1036–1038 ergs s−1.

1.4.2.1 sgB[e]-XRBs

Supergiant B[e]-XRBs (sgB[e]-XRBs) are a subset of sgXRBs with sgB[e] coun-

terparts. These are post main sequence stars characterisedby a two component

stellar wind - a hot, fast polar wind and a slow, cool equatorial wind. The equatorial

winds of these stars are cool and dense enough for dust to formwhich, in turn, leads

to the formation of a torus around the star (Zickgrafet al., 1985, 1986; Zickgraf,

2006). A more in depth discussion of the optical properties of these sources is in-

cluded in Section 1.4.4 and Chapter 3. These are rare systems with only two known

to date: CI Camelopardalis/XTE J0421+560 (CI Cam) and IGR J16318-4848 (see

Courvoisieret al.2003, Smithet al.1998, Chapter 3).

The X-ray spectra of CI Cam and IGR J16318-4848 have extremely high lev-

els of absorption (1023−24 cm−2). This is consistent with the current model for

CI Cam: that of a compact object (probably a neutron star) orbitting close to the

stellar surface, well within the dusty torus. Both systems appear to have similar

quiescent X-ray luminosities (to within a factor of 3),∼ 1033 erg s−1. However,

the distances to both CI Cam and IGR J16318-4848 are uncertain and so this is not

secure. Furthermore, both sources have displayed aperiodic “flaring” behaviour, al-

beit with very different peak luminosities. Two flares have been associated with IGR

J16318-4848, separated by∼ 9 yrs (1994 and 2003; Courvoisieret al. 2003; Mu-

rakamiet al.2003) and with peak luminosities∼ 1036erg s−1 (Filliatre and Chaty,

2004). CI Cam had one giant outburst in 1998 which reached a peakluminosity of

∼ 3×1038erg s−1 (e.g. Hyneset al.2002). These systems are discussed in detail in

Chapter 3. A summary of their optical properties is included in Section 1.4.4.

1.4.3 X-ray Properties

The X-ray spectra of NS-HMXBs are characterised by intrinsically absorbed power

laws with photon indices,Γ, in the range 0.6-1.4 (Haberlet al., 2008a), accom-

panied by high energy cut-offs (Lutovinovet al., 2005). A soft excess has been

reported in some of these sources with blackbody temperatureskTBB<0.5 keV (e.g.

Sturmet al. 2012b) and are attributed to the inner edge of an accretion disc sur-

rounding the neutron star. Hickoxet al. (2004) suggest that a soft excess is present

in most, if not all, BeXRB spectra but is not always detected due to the high levels

of intrinsic absorption or low source flux. Recent observations withXMM-Newton
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Figure 1.8: X-ray spectrum of 4U 0115+63 taken from Heindlet al.(1999), along
with best fit model (solid line). This pulsar possesses as many as five CRSFfea-
tures, the most ever seen in an HMXB.

has revealed that a handful of BeXRBs have blackbody components with kTBB in

excess of 1 keV and a derived emitting regionR< RNS. Such a small radius indi-

cates emission from a hot spot on the neutron star, possibly from the magnetic polar

cap. These sources all have low level X-ray emission (LX ∼ 1034−35 ergs s−1) and

long pulse periods (P>100 s).

A number of HMXB spectra have Cyclotron Resonance ScatteringFeatures (re-

ferred to as CRSFs or cyclotron lines). First observed in Her X-1 (Trümperet al.,

1978), these appear as broad absorption lines in the spectrum and are currently the

only feature of HMXBs that allow for direct measurement of the magnetic field of

a neutron star. They arise from electrons close to the neutron star surface. Their

motion perpendicular to the magnetic field is quantised in Landau orbits, corre-

sponding to the discrete energy levels of the electrons. Photons with these energies

are absorbed and scattered isotropically. The cyclotron line energies,Ecyc can be
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obtained by substituting Equation 1.25 intoE = h̄ω:

Ecyc = n
h̄eB
me

= 11.57nB12keV (1.32)

Wheren is the line number (i.e.n= 1 is the fundamental,n> 1 is thenth harmonic).

Emission lines are also occasionally present in the X-ray spectra of HMXBs

and are indicative of X-ray reprocessing by material out of the direct line of sight.

Fürst et al. (2011) identify eight fluorescence lines in the spectrum of GX 301-2,

the strongest of which is the Fe Kα line due to the high fluorescence yield (0.34,

Bambyneket al.1972) and abundance of iron. When the data are split into several

time intervals, the equivalent width (EW) of the Fe Kα is clearly correlated with the

absorbing column density, which confirms that the absorbingand emitting medium

are in fact the same thing.Torrejónet al. (2010) report narrow, time variable Fe Kα
lines in the 10 HMXBs in their survey. This could be due to the motion of the

neutron star (the source of the X-rays) relative to the absorbing/fluorescing material.

In contrast the Fe-Kα lines in LMXBs are generally broad as they originate from a

different region: the accretion disc. The rotation of the disc, the thermal motion of

the atoms and the temperature gradient all act to smear out the emission line. The

ratio of elemental Kα and Kβ (if observed) yields valuable information about the

elemental abundance of the fluorescing material.

An extreme example of an X-ray spectrum of an HMXB is shown in Figure 1.8

along with the best fit model spectrum. The spectrum is fit withan absorbed cutoff

powerlaw, a blackbody with temperatureKTBB ∼ 0.4 keV and multiple cyclotron

lines. This particular source (4U 0115+63, Heindlet al.1999) has the highest num-

ber of CRSF features ever observed: the fundamental and four harmonics (n= 1−5,

see Equation 1.32). No Fe-Kα line is apparent in the data.

The pulse periods of HMXB pulsars range between 1 and 1000 s, slower than

the accretion powered pulsars in LMXBs. This is thought to bebecause, as these

systems are older, they have had prolong periods of accretion in the past which have

spun them up to millisecond periods. The HMXBs have complex spin up and spin

down histories, with short term variations as well as long term trends (see Bildsten

et al.1997 for several examples).

The pulse profiles of HMXBs come in a variety of shapes, from simple sinusoidal

to triple peaked, asymmetric structures (e.g. Galacheet al. 2008). This can be

due to the accretion geometry with a sinusoid shape for a pencil beam and a more

complex double peak, flat top structure for a fan beam. The critical luminosity for

a shock formation, derived by Basko and Sunyaev (1976), isLcrit & 1037 erg s−1



18 Chapter 1. Introduction

Figure 1.9: An example I-band lightcurve of a BeXRB (taken from Townsend
2012). The regular periodic decrease in magnitude (increase in flux) is attributed to
the periastron passage of the neutron star whilst the underlying aperiodicvariation
is explained by changes in the size of the circumstellar disc

and as such sources have been seen to switch between accretion geometries as their

luminosities changes (e.g. EXO 2030+375 Parmaret al.1989; Sasakiet al.2010).

The pulse profile shape observed is also dependent on the inclination of the system,

the angle between the magnetic and rotation axis and energy,as the regions emitting

the X-rays become more compact (Lutovinov and Tsygankov, 2008).

1.4.4 Optical Properties

Figure 1.9, taken from Townsend (2012), shows theI -band light curve of SXP7.78

and is an example of a typical BeXRB light curve. The optical light curves of

BeXRBs and sgXRBs are often complex with many different periodic components.

Each of these components has with distinctive timescales ofvariation, superim-

posed on seemingly random fluctuations, linked to changes inthe circumstellar disc

size. Birdet al. (2012) discuss the optical lightcurves of BeXRBs and the detection

of orbital periods in detail and identify three periodic components:

• Radial and non radial pulsations with variations on timescales of 0.1-2.0 days.

• Disturbances in the circumstellar disc caused by the periastron passage of the
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neutron star. These correctly identify the binary period and range from tens

to hundreds of days.

• “Superorbital” periods from warped and/or precessing circumstellar discs with

timescales from hundreds to thousands of days.

For an in depth discussion of the superorbital periods in BeXRBs see Rajoelimanana

et al. (2011).

The optical spectra of HMXBs are very similar to those of isolated Be and super-

giant stars. The spectra are dominated by the Doppler broadened Hydrogen Balmer

series (due to the rotation of the star) and exhibit the ionised helium and metal lines

typical of hot OB stars, such as HeII , SiIV and MgII (Walborn and Fitzpatrick, 1990;

Lennon, 1997; Evanset al., 2004). The circumstellar environment gives rise to the

Balmer emission lines of hydrogen, most notably Hα, as ionised hydrogen recom-

bines in the disc. A strong infrared (IR) excess is also associated with the disc due to

free-free emission - i.e. emission from the acceleration offree electrons as they are

deflected by the ionised hydrogen in the disc. A strong correlation exists between

these two features, supporting the hypothesis of a common origin.

The Hα profiles of several binary and isolated Be stars have shown time variable,

asymmetric double peaks. This is quantified by the ratio of the strengths of the two

peaks and is referred to asV/R (McLaughlin, 1961) variability, whereV is the peak

towards the violet end of the spectrum andR the peak towards the red end.V/R

variability has timescales of years to decades - much longerthan the orbital periods

of these systems. The double peak can be explained by blue andred shifted sides of

the disc and requires the system to be inclined to the line of sight. The asymmetry

requires the disc density to be non-uniform. Okazaki (1991)(and subsequently

Okazaki 1996; Papaloizouet al. 1992) successfully describe this behaviour with a

one armed density wave in the disc, a model first suggested by Kato (1983). These

are termed global one-armed oscillations. Figure 1.10 shows theV/R behaviour of

LS I +61◦ 235, monitored by Reiget al. (2000) over the course of∼5 years. They

derive aV/Rquasi-period of∼ 1240±30 days.

The emission lines in the supergiant systems often exhibit PCygni profiles.

These are the result of a blue shifted absorption feature, originating in the strong

stellar wind directly in the line of sight, superimposed on the emission feature, seen

at the expected wavelength (e.g. Balanet al. 2010). There are too few confirmed

sgB[e]-XRBs to reach a concensus on the “typical” optical spectrum of these sys-

tems. However, these sources appear to be unaffected by the presence of a binary

counterpart (Hyneset al., 2002). The two component winds of isolated sgB[e] stars
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Figure 1.10: V/R variability observed in the Hα line profile of LS I +61◦ 235.
Taken from Reiget al. (2000)

lead to complex optical spectra, rich in emission lines. Both narrow, low excitation

metal lines and broad, high excitation species are present,originating in the equa-

torial and polar winds respectively (see Section 1.4.2.1).Forbidden emission lines

of heavier elements such as iron, sulphur, oxygen and nitrogen also feature promi-

nently in the spectra and again originate in the disc. For a full discussion of the

optical properties of sgB[e] stars, see Zickgrafet al.(1985); Zickgraf (2003, 2006).

1.5 HMXBs as a Population

1.5.1 XRB Environments and the Magellanic Clouds

The lifetimes of XRBs are predominantly determined by the lifetime of the sec-

ondary star. As this is strongly dependent on the stellar mass (see Section 1.1) there

is a large disparity in the lifetimes of LMXBs and HMXBs and where they are lo-

cated in our Galaxy. HMXBs are short lived (∼ 105−107 yr) and are found in star

forming regions and younger stellar populations. In contrast, LMXBs are found

in older stellar populations such as globular clusters and have lifetimes of order

(107−109 yr). The short lifetimes of HMXBs make them strong tracers ofrecent
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Figure 1.11: HI observations of the Magellanic Clouds. The LMC is shown in
red, the SMC in green. Figure taken and modified from Diaz and Bekki (2011)

star formation episodes in a galaxy. One galaxy with an apparent over abundance

of HMXBs is the Small Magellanic Cloud.

The Large and Small Magellanic Clouds (LMC and SMC respectively) are satel-

lite galaxies of the Milky Way (MW), located at a distance of∼ 60 kpc. The two

galaxies have been heavily disrupted due to past interactions with each other and the

MW. When viewed at radio wavelengths (see Fig. 1.11), the SMC and LMC appear

to be embedded in an extended neutral hydrogen cloud, connected by the Magel-

lanic Bridge (Irwinet al., 1990) and trailed by the Magellanic Stream (Mathewson

et al., 1974). More recently another region of neutral hydrogen has been identified:

the leading arm (Putmanet al., 1998). The leading arm is predicted by tidal models

(e.g. Gardiner and Noguchi 1996) and its detection establishes tidal interactions as

the agent of disruption in the Magellanic Clouds.

As the less massive of the Magellanic Clouds, the SMC has experienced greater

disruption due to these tidal interactions. Figure 1.12 shows the force experienced

by the SMC due to these interactions, modelled by Diaz and Bekki (2011). Har-

ris and Zaritsky (2004; 2009) report that the SMC and LMC had “bursts” of star

formation at 2.5 and 0.4 Gyr ago (with the SMC experiencing anadditional burst

at 0.06 Gyr), approximately coincident with minima in the SMC-LMC separation.

This suggests that the episodes of star formation were induced by these tidal inter-

actions, giving rise to the present number of HMXBs in the SMC.
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Figure 1.12: Figure taken from Diaz and Bekki (2011). Top panel shows the
Separations between the LMC, SMC and MW over the last 3 Gyr. Bottom panel
shows the tidal for experienced by the SMC exerted by the MW and LMC.

1.5.2 TheLX-Star Formation Rate Relation

Grimmet al.(2003) have quantified the relationship between the star formation rate

(SFR) and the number of sources with X-ray luminosities in excess of 1038 ergs s−1

in a galaxy.

SFR (M⊙ yr−1) =
N(L > 2×1038erg s−1)

2.9
(1.33)

However BeXRBs do not reach these luminosities. One of the reasons for choosing

such a high threshold luminosity was to avoid contaminationfrom any LMXBs

present in any of the galaxies studied (which have been shownto scale linearly with

the mass of the host galaxy, Gilfanov 2004).

The left panel of Figure 1.13, taken from Grimmet al. (2003), shows the X-ray

luminosity functions of several galaxies, including the SMC. The right panel shows

the same functions normalised to the SFR of the Antennae galaxy. Whilst the rela-

tionship is evident, the individual luminosity functions are “snapshots” of a galaxy
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Figure 1.13: The normalised (right) and unnormalised (left) luminosity functions
of compact X-ray sources in nearby galaxies. The luminosity functions in the
normalised panel have been scaled to that of Antennae. Figure taken from Grimm
et al. (2003)

and may not be representative of the underlying population (though the authors note

that by using the luminosity functions of several galaxies,their conclusions should

be unaffected by this). Thus predicting the number of HMXBs in a galaxy cannot

be done with great accuracy.

A general formula for the number HMXBs given by equation (7) of Grimm et al.

(2003)

N(> L) = 5.4 SFR(L−0.61
38 −210−0.61) (1.34)

This predicts∼ 1 HMXB with a luminosity in excess of 1× 1038 erg s−1 in the

SMC, which agrees with observations: Only the sgXRB SMC X-1, consistently

reaches these luminosities (Inamet al., 2010). If we assume that the relationship

remains valid down to X-ray luminosities of 5× 1035 ergs s−1 (the typical lumi-

nosity of the lower Type I outbursts seen in the SMC, Haberlet al. 2008b) then

equation 1.34 predicts 20 HMXBs withLX > 5×1035 ergs s−1 (adopting the same

value for the SFR as Grimmet al.2003, 0.15 M⊙ yr−1, taken from Yokogawaet al.

2000; Harris and Zaritsky 2004). Using the same SFR and a X-ray luminosity of

1× 1034 ergs s−1 (the quiescent level of BeXRBs, Laycocket al. 2010) predicts

223 HMXBs. Neither of these values accurately reflects the HMXB population in

the SMC: there are currently∼60 known HMXBs in the SMC (Liuet al., 2005),

of which ∼55 are X-ray pulsars). In contrast, the HMXB population of the LMC

is similar to that of the MW. There are currently 36 known HMXBs in the LMC,

including∼ 13 pulsars and several supergiant systems and black hole candidates.
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Figure 1.14: HI image of the SMC (taken from Stanimirovicet al. 1999) with
location of HMXBs with known positions marked. The circle marks SMC X-1,
the only known sgXRB in the SMC.

A recent INTEGRALmonitoring campaign of the SMC and 47 Tuc by McBride

et al. (2010) identified two BeXRBs in the Magellanic Bridge and proposed a fur-

ther three HMXB candidates. Along with the previously knownBeXRB in the

Magellanic Bridge (RX J0209.6-7427, Kahabka and Hilker 2005), this increases

the potential Magellanic Bridge HMXB population to six sources.

The stellar winds of massive stars are known to be line driven(see Section 1.4.2)

and so a lower metallicity will lead to less mass being lost from the compact object

progenitor. This in turn is expected to affect the number of systems that survive the

initial supernova explosion and go on to form HMXBs. Dray (2006) use simulations

to demonstrate that this is indeed the case but are unable to replicate the number and

period distribution of the SMC HMXBs with a low metallicity environment alone.

A possible reason for this discrepancy could be the activitycycles of BeXRBs.

Figure 1.14 shows an HI image of the SMC along with the locations of the 55
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Figure 1.15: The spectral distribution of isolated Be stars (broken line) and
BeXRB counterparts (solid line) in the Milky Way. Taken from McBrideet al.
(2008)

pulsars with known positions. The SMC is divided into two sections, the “Wing”

and the “Bar”. Most of the pulsars are located in the Bar of theSMC, whilst SMC

X-1 is located in the sparsely populated Wing. Whilst this maybe partly due to a

selection effect (as most surveys have concentrated on the Bar of the SMC, Galache

et al. 2008), McGowanet al. (2008) and Laycocket al. (2010) have imaged the

Wing of the SMC withthe Chandra X-ray Observatorydown to a limiting luminos-

ity ∼ 1032−33 erg s−1 and not discovered a large population. Thus we can conclude

that the apparent difference in the SMC Wing and Bar HMXB population is gen-

uine. Antoniouet al. (2010) argue that this could be due to the donor stars, as the

Be phenomenon peaks at age∼40 Myr (McSwain and Gies, 2005). This means

that a HMXB population with main sequence companions∼ 40 Myr old will have

the largest ratio of Be/B stars. HMXBs with main sequence companions older or

younger than this are less likely to display the Be phenomenon which is necessary

for the production of X-rays.

1.5.3 Spectral distribution of BeXRBs

The Be phenomenon is difficult to quantify due to its transient nature. Zorec and

Briot (1997) find that the frequency of Be stars among Galactic B stars is a function

of spectral type, peaking at 34% for B1 stars and falling to 8%for B9 stars. How-

ever, the actual number of Be stars peaks at later spectral types. Figure 1.15,taken
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Figure 1.16: The number of Be stars in the Galaxy as a function of spectral type.
(Edited from Zorec and Briot 1997)

from McBrideet al.(2008), shows the spectral distribution of isolated Be stars in the

Galaxy along with the spectral distribution of the optical counterparts in BeXRB.

The isolated Be star data are taken from the work of Slettebak(1982) which has a

limiting V-band magnitude of∼ 6.0 mag. McBrideet al.(2008) note that this mag-

nitude will favour the detection of early type Be stars and sothe distribution of the

isolated Be stars may not be complete at the later spectral types. Figure 1.16, edited

from Zorec and Briot (1997), shows the number of observed Be stars as a function

of spectral type for all luminosity classes. McBrideet al. (2008) expand on the

work of Negueruela (1998) who use a Kolmogorov-Smirnov (KS)test to confirm

that the spectral distribution of the optical counterpartsin BeXRBs is significantly

different to that of isolated Be stars.

One would naively assume that, as the earlier type stars are more massive than

the later types (MB0V = 17.5M⊙, MB8V = 3.8M⊙, Cox 2000), the binaries with

counterparts later than B3 do not survive the supernova. However, Portegies Zwart

(1995) demonstrated that the kick velocity imparted to the system by the supernova

has very little effect on the spectral distribution of BeXRBcounterparts. It is the

angular momentum lost from the system which has the most pronounced effect on

the mass distribution of secondaries, with a large loss per unit mass truncating the

mass distribution at>8 M⊙ or B2V spectral class.
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Figure 1.17: The spectral distribution BeXRB counterparts in the Galaxy (solid
line) and the SMC (broken line). Taken from McBrideet al. (2008)

Maederet al. (1999) show that the number ratio of Be to B stars in the spec-

tral range O9-B3 appears to be higher in the LMC and SMC (0.23 and 0.39 re-

spectively, compared with 0.11 and 0.19 for the interior andexterior of the MW).

McBrideet al. (2008) use the same statistical test as Negueruela (1998) tocompare

the spectral distribution of the Galactic BeXRBs with that of the SMC, shown in

Figure 1.17. Despite the very different environments, the KS test suggests that the

two spectral distributions of optical counterparts are drawn from the same parent

population. This, along with the results of Dray (2006), suggest that although the

number of HMXBs may be effected by the metallicity, the spectral distribution of

the counterparts is not.

1.5.4 The Hα −Porb Relation

The Hα emission of Be stars is linearly correlated with the effective surface area

of the disc (e.g. Tycneret al. 2005). For many years it was thought that the cir-

cumstellar envelope of the Be star in BeXRBs was unaffected by the neutron star,

however this was challenged by Reiget al. (1997) who reported a relationship be-

tween the orbital period of the BeXRB (Porb) and the Hα equivalent width (EW).

Figure 1.18 shows the most recent version of thePorb-EW(Hα) diagram, taken from

Reig (2011). A detailed comparison of the Hα emission of BeXRBs compared

to that of isolated Be stars showed that the emission lines inBeXRBs are consis-

tently weaker (i.e. have smaller EWs, Zamanovet al. 2001). Both of these effects
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Figure 1.18: Diagram ofPorb-EW(Hα taken from Reig (2011). Solid line is best
linear fit to the data, broken line represents a power-law fit with exponent n=4/3.

are attributed to the presence of the neutron star which truncates the circumstellar

disc. The truncation radius depends on the orbital parameters of the system and the

viscosity. Qualitatively, BeXRBs with longer orbital periods (i.e. larger semi ma-

jor axes) have larger truncation radii. BeXRBs with lower eccentricities also have

larger truncation radii. For a rigorous description of tidal truncation in BeXRBs,

see Negueruela and Okazaki (2001) and Okazaki and Negueruela (2001).

1.5.5 ThePspin−Porb Relation

The different HMXBs occupy different areas on thePspin−Porb diagram, shown in

Figure 1.19. Corbet (1984, 1985, 1986) first identified a relationship betweenPorb

andPspin values of BeXRBs. The spin period observed is assumed to be the equilib-

rium period mentioned in Section 1.2, at whichrA = rco. Equations 1.19 and 1.16

show the relationship betweenrco andPspin andrA andρ respectively. The density

is linked to the separation of the system, which in turn is linked toPorb. Corbet

(1985) showed that it is in fact the separation of the bodies at periastron rather than

the semi-major axis, which adds an eccentricity dependence. Observationally, the

relationship is quantified byPspin ∝ P2
orb. The values ofPspin observed are generally

greater than that implied by Equation 1.21, suggesting thatthere is a wide range
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Figure 1.19: ThePspin−Porb diagram, better known as the “Corbet” diagram. Plot
includes systems from the SMC, LMC and MW. Taken from Corbetet al. (2006)

of values forRNS, MNS andB. Corbet (1986) mention that there appears to be an

anti-correlation in thePorb andPspin values of the Roche-Lobe overflow sgXRBs,

however they note that it is difficult to draw any conclusionswith only 3 sources.

More recently Kniggeet al. (2011) demonstrated that the BeXRB pulsars in the

SMC can be split into two sub populations based on their pulseperiods. This is a

statistically significant result with a KMM test giving a probability that the sources

were drawn from a single Gaussian of 7×10−6 for the combined SMC, LMC and

MW samples (Ashmanet al. 1994, see Fig. 1.20). They go on to state that the

result is still significant even when only the spectroscopically confirmed BeXRBs

are considered. The authors interpret this bi-modality as evidence for two formation

channels for BeXRBs. This will be discussed in more detail inthe Chapter 5.

1.5.6 TheṖ−PL
3
7 Relation

Ghosh and Lamb (1979) consider the contribution of various stresses to the torque

that acts on a neutron star accreting from a Keplerian disc. They derive a relation-

ship between the spin up of the neutron star,−Ṗ, and the quantityPL3/7
37 , where

P is the spin period of the neutron star (referred to asPspin thus far). Whilst this

relationship is far from simple, it does imply that, when plotted logarithmically,
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Figure 1.20: The double Gaussian decomposition of thelogPspin values of Galac-
tic, SMC and LMC BeXRBs, as suggested by the KMM algorithm implemented
by Kniggeet al. (2011). Figure modified from Kniggeet al. (2011)
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Figure 1.21: An updatedlog10(−Ṗ)− log10(PL
3
7 ) diagram (whereP = Pspin).

The triangles represent the sgXRBs, squares the BeXRBs. Blue symbolsare for
the Galactic sources, red the SMC and Green the LMC.
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there should be a rough correlation in these two values. Figure 1.21 shows the

−Ṗ−PL3/7
37 plot with the original data set used by Ghosh and Lamb (1979) along

with any SMC and LMC BeXRBs with known−Ṗ,LX andPspin (taken from Coe

et al. 2010 and Kluset al. 2013). Theoretical curves for given values ofµ30 and

MNS are overplotted and highlight the importance of this work: that fundamental

properties of the pulsars can be inferred from observational measurements.

1.6 Thesis Overview

In this Chapter I have discussed the optical, infra red and X-ray properties of XRBs,

with particular emphasis on the HMXB systems. I have outlined how these systems

are formed and discussed the nature of the compact object andthe donor star both

individually and as a system. I have introduced the relevantaccretion and emission

mechanisms referred to throughout this thesis. Progress onunderstanding HMXBs

can come from studies of individual sources, or of larger well-defined populations

of sources. In the latter case, the Magellanic clouds are key targets asthey provide

populations at known distances and with (fairly) well-known formation histories.

In the first half of this thesis, I discuss individual sources: Chapter 2 discusses the

result of anXMM-Newtontarget of opportunity observation of a newly discovered

BeXRB in the LMC as well as the optical follow up from the original detection.

In Chapter 3 I present X-ray observations of XTE J0421+560/CI Camelopardalis, a

Galactic sgXRB. In both of these Chapters I use simultaneous timing and spectral

analysis to constrain the system geometry. Chapter 4 describes the work being done

to expand the number of known HMXBs by observing the Phoenix dwarf galaxy, a

Local Group dwarf irregular galaxy which shares many similarities with the SMC.

In Chapter 5 I discuss why the BeXRB population of the SMC is ideal for population

studies and outline the work done to search for evidence for two different neutron

star formation channels.





”Ford!” he said, ”there’s an infinite number of monkeys

outside who want to talk to us about this script for Ham-

let they’ve worked out.”

THE HITCHHIKER’ S GUIDE TO THE GALAXY (1979)

2
XMM-Newtonobservation of the highly

magnetised accreting pulsar

Swift J045106.8-694803: Evidence of a

hot thermal excess

In this Chapter I present recent X-ray and optical observations of Swift J045106.8-

694803, a newly discovered HMXB in the LMC. I classify the optical counterpart

of Swift J045106.8-694803 as a B0-1III-V star, confirming itas a BeXRB. I de-

termine the spin period to be 168.5±0.2 s as of MJD = 56125.0. The spectral

analysis reveals for the first time the presence of a blackbody with temperature

kTBB = 1.8+0.2
−0.3 keV and radiusRBB = 0.5±0.2 km. The pulsed fraction decreases

with increasing energy and the ratio between the hard (>2 keV) and soft (<2 keV)

lightcurves is anticorrelated with the pulse profile. Simulations of the spectrum sug-

gest that this is caused by the pulsations of the blackbody being ∼ π out of phase

with those of the power law component. Using a simple model for emission from

hot spots on the neutron star surface, my collaborator, Dr. Wynn Ho, fit the pulse

profile of the blackbody component and constrain the angle between the rotation

33
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and magnetic axesα and the angle between the rotation axis and line-of-sightζ to

be (α,ζ ) ∼ (53◦,70◦) or (70◦,53◦) for M = 1.4M⊙ andR= 12 km. The optical

spectroscopy presented here was included in Kluset al. (2013).

2.1 Introduction

The number of known HMXBs (and by extension BeXRBs) has increased dramat-

ically since the launch of satellites such asROSATandRXTEparticularly in the

Magellanic Clouds (see Chapter 1). Given the large sample sizeof objects now

available, we are able to study the properties of these objects on a statistically sig-

nificant scale. Many authors have reported the presence of a soft excess in spectra

of some BeXRBs, with blackbody temperatureskTBB<0.5 keV (e.g. Sturmet al.

2012b) attributed to the inner edge of an accretion disc surrounding the neutron star.

Hickox et al. (2004) suggest that a soft excess is present in most, if not all, BeXRB

spectra but is not always detected due to the high levels of intrinsic absorption or

low source flux.

Recent observations withXMM-Newtonhave revealed that a handful of BeXRBs

have blackbody components withkTBB in excess of 1 keV and a derived emitting

region R < RNS (see Table 2.1). Such a small radius indicates emission froma

hot spot on the neutron star, possibly from the magnetic polar cap. These sources

all have low level X-ray emission (LX ∼ 1034−35 erg s−1) and long pulse periods

(P>100 s).

Here I report on X-ray and optical observations of another possible member

of this group of BeXRBs: Swift J045106.8-694803. This source was detected in

the LMC by theSwift/BAT hard X-ray survey (Beardmoreet al., 2009) and was

followed by a 15.5 ks observation with theSwift XRT instrument. This confirmed

the position of the source and revealed a periodic signal at 187 s. From the accretion

model of Ghosh and Lamb (1979), Kluset al. (2013) derived a magnetic fieldB∼
1.2× 1014 G from the spin-up rate, indicating that Swift J045106.8-694803 is a

highly magnetised accreting pulsar (i.e., neutron star with B & Bcrit ; see equation

1.27).
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Table 2.1: Summary of sources withkTBB>1.0 keV.RBB is the radius of the emitting region implied byLX andkTBB. D is the assumed distance
to the source in kpc. All errors are 90% confidence level.

Source
Period kTBB LX RBB D Energy Range

Reference
s keV erg s−1 m kpc keV

RX J0146.9+6121 1396.1±0.3 1.11+0.07
−0.06 ∼ 1.5×1034 140+20

−10 2.5 0.3–10.0 La Palombara and Mereghetti (2006)

X Persei
839.3±0.3 1.35±0.03 ∼ 1.4×1035 361±3 1 0.3–10.0 La Palombara and Mereghetti (2007)

∼ 837 1.45±0.02 ∼ 4.2×1034 130 0.95 3.0-10.0 Coburnet al. (2001)
RX J1037.5-5647 853.4±0.2 1.26+0.16

−0.09 ∼ 1.2×1034 130+10
−20 5 0.2–10.0 La Palombaraet al. (2009)

RX J0440.9+4431 204.96±0.02 1.34±0.04 ∼ 8×1034 270±20 3.3 0.3–12.0 La Palombaraet al. (2012)
SXP 1062 ∼ 1062 1.54±0.16 6.3+0.7

−0.8×1035 900+300
−200 6 0.2–12.0 H́enault-Brunetet al. (2012)

4U 2206+54 5593±10 1.63±0.03 ∼ 3×1035 370±40 2.6 0.2–12.0 Reiget al. (2012)
Swift J045106.8-694803 168.5±0.2 1.8+0.2

−0.3 (9.8±0.9)×1035 500±200 50.6±2.1 0.2–10.0 this work
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2.2 Observations and Data Reduction

2.2.1 Optical

Optical spectra of Swift J045106.8-694803 have been taken on three separate oc-

casions. Blue and Red end spectra were taken with the ESO Faint Object Spectro-

graph (EFOSC2) mounted at the Nasmyth B focus of the 3.6m New Technology

Telescope (NTT), La Silla, Chile on the nights of 2011 December 8 and 10 respec-

tively. The EFOSC2 detector (CCD#40) is a Loral/Lesser, Thinned, AR coated,

UV flooded, multi-pinned phase chip with 2048×2048 pixels corresponding to 4.1

arcmin×4.1 arcmin on the sky. The instrument was in longslit mode with a slit

width of 1.5 arcsec. Grism 14 has a wavelength range ofλλ3095–5085Å and a

grating of 600 lines mm−1 and a dispersion of 1̊A pixel−1. Grism 20 is one of

the two new Volume-Phase Holographic grisms recently addedto EFOSC2. It has

a smaller wavelength range, from 6047–7147Å, but a superior dispersion of 0.55

Å pixel−1 and 1070 lines pixel−1. Filter OG530 was used to block second order

effects. The resulting spectra have spectral resolutions∼ 10 Å and∼ 6 Å respec-

tively. Red end spectra were also taken with the 1.9m Radcliffe telescope at the

South African Astronomical Observatory (SAAO) on 2009 December 12 and 2011

September 26. The data were obtained using the unit spectrograph combined with

a 1200 lines mm−1 grating and the SITe detector at the Cassegrain focus. The re-

sulting spectra have a spectral resolution of∼ 3 Å.

The data were reduced using the standard packages availablein the Image Re-

duction and Analysis Facility (IRAF). Comparison copper neon spectra (SAAO)

and helium argon spectra (ESO) were taken throughout the observing runs with the

same instrument configuration and used for wavelength calibration. The spectra

were normalised to remove the continuum and a redshift correction applied corre-

sponding to a recession velocity of -280 km s−1 (Paturelet al., 2002).

2.2.2 X-ray

A ∼7 ksXMM-Newtontarget of opportunity (ToO) observation was performed dur-

ing satellite revolution #2308 on July 17, 2012. Data from the European Photon

Imaging Cameras (EPIC) were processed using theXMM-NewtonScience Analysis

System v11.0 (SAS) along with software packages from FTOOLSv6.12. Table 2.2

summarises the details of the EPIC observations.

The MOS (Turneret al., 2001) and pn (Strüderet al., 2001) observational data

files were processed withemproc andepproc respectively. The data were screened
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Table 2.2: XMM-NewtonEPIC observations of Swift J045106.8-694803 on 2012
July 17

Camera Filter Read out Observation Exp.

Mode Date (MJD) Start(UT) End(UT) (ks)

MOS1/2 Medium Full Frame
56125.0

00:39 03:03 8.6

pn Medium Full Frame 01:01 02:59 7.0

for periods of high background flaring activity by examiningthe count rate of the

high energy (>10 keV) single pixel pattern (PATTERN=0) events. The files were

examined by eye to confirm that the source does not contributesignificantly to this

energy range. Flares in these events are indicative of soft proton flaring events

caused by magnetic reconnection. The pn and MOS count rates were below the

recommended filtering threshold for the duration of the observation and so no filter

was applied.

The final cleaned pn image included “single” and “double” (PATTERN≤4) pixel

event patterns in the 0.2–10.0 keV energy range. “Single” to“quadruple ” (PATTERN≤12)

pixel events were selected for the cleaned MOS images in the same energy range.

These pixel patterns are isolated and compact with the pixelwith the highest charge

at the centre, as such they are considered good X-ray events (i.e. genuine X-rays

rather than cosmic rays) and are fully calibrated. Larger patterns are thought to be

due to cosmic rays. The default quality flags #XMMEAEM (for the MOS) and

#XMMEA EP (for the pn) were employed. Photon arrival times were converted to

barycentric dynamical time, centred at the solar system barycenter, using the SAS

taskbarycen.

Images, background maps and exposure maps were created for all detectors in

the 0.2–10.0 keV energy range. A box sliding detection was performed simulta-

neously on all 3 images twice (the first with a locally estimated background the

second using the background map) with the taskeboxdetect, followed by the max-

imum likelihood fitting using the taskemldetect. This process resulted in a list of

sources including their positions, errors and background subtracted counts. A much

more in depth account of the steps involved in the detection of sources is given in

Section 4.2.1.

Source counts were extracted from a circular region with radius 61 arcsec, as

recommended by the SAS taskeregionanalyse which calculates the optimal radius

for the source extraction by maximising the signal to noise.Background counts

were extracted from a region of identical size offset from the source, with a similar
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“RAWY” co-ordinate (i.e. is a similar distance to the readoutnode as the source

region, as recommended by the “EPIC status of calibration and data analysis” doc-

ument1). The is because the detector background variation on both the MOS and

pn charge coupled devices (CCDs) is larger in this direction. Annular background

regions around the source were not used to avoid any “out-of-time” events (events

registered during the readout of a CCD that are assigned the incorrect RAWY val-

ues). The background subtraction was performed using theepiclccorr task which

also corrects for bad pixels, vignetting and quantum efficiency.

Source and background spectra were extracted from the same regions described

above. Again, “single” and “double” pixel events (PATTERN≤4) were accepted

for the pn detector with all bad pixels and columns disregarded (FLAG=0). For the

MOS spectra, “single” to “quadruple ”(PATTERN≤12) pixel events were selected

with quality flag #XMMEA EM. The area of source and background regions were

calculated using thebackscal task. Response matrix files were created for each

source using the taskrmfgen andarfgen.

2.3 Analysis and Results

2.3.1 Spectral Classification

OB stars in the Milky Way are classified using certain metal and helium line ratios

(Walborn and Fitzpatrick, 1990) based on the Morgan-Keenan(MK; Morganet al.

1943) system. However, this is unsuitable in lower metallicity environments as the

metal lines are either much weaker or not present. As such, the optical spectrum

of Swift J045106.8-694803 was classified using the method developed by Lennon

(1997) for B-type stars in the SMC and implemented for the SMC,LMC and Galaxy

by Evanset al. (2004, 2006).

Figure 2.1 shows the unsmoothed optical spectrum of Swift J045106.8-694803.

The spectrum is dominated by the hydrogen Balmer series and neutral helium lines.

There does appear to be evidence for the HeII λ4200Å line, but it is difficult to

distinguish above the noise level along with the HeII λλ4541,4686Å lines. The HeI

λ4143Å line is clearly stronger than the HeII λ4200Å line constraining the optical

counterpart of Swift J045106.8-694803 to be later than typeO9. There also appears

to be evidence for the SiIV λλ4088,4116Å lines necessary for a B1 classification.

This is supported by the relative strengths of the SiIII λ4553 and MgII λ4481Å

suggesting a classification of B2 or earlier.
1http://xmm2.esac.esa.int/docs/documents/CAL-TN-0018.pdf
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Figure 2.1: Spectrum of Swift J045106.8-694803 in the wavelength rangeλλ3900–5000̊A with the NTT on 2011-12-08. The spectrum has
been normalised to set the continuum to unity and redshift corrected by -280 km s−1. Atomic transitions relevant to spectral classification have
been marked.
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The luminosity class of the companion star was determined bythe ratios of SIV

λ4088/HeI λλ4026−4121Å, SIV λ4116/HeI λ4121 and HeII λ4686/HeI λ4713.

The first two ratios strengthen with decreasing luminosity class (i.e. with increasing

luminosity) whereas the latter ratio decreases with increasing luminosity. The rela-

tive strengths of these lines are contradictory: The HeII λ4686/HeI λ4713 and SIV

λ4116/HeI λ4121 suggest a luminosity class III, although the proximityof the rota-

tionally broadened Hδ λ4102Å to the SiIV lines makes this more complex. The SIV

λ4088/HeI λ4026 ratio is more consistent with a star of luminosity classV. TheV

band magnitude of this star is reported by several sources asbetween 14.6 and 14.7

(e.g. Massey 2002; Zaritskyet al. 2004). A distance to the LMC of 50.6±2.1 kpc

along with anmV of 14.65±0.05 and an extinction,AV=0.45±0.5 (calculated using

the column density towards the source, 8.42±1.03×1020 cm−2 and the results of

Güver andÖzel 2009) would correspond to anMV of -4.2±0.1. This is consistent

with B0.5III (Wegner, 2006). Less information is availablefor the absolute magni-

tude of emission line stars, which will be dependent on the inclination and size of

the disc. As such I classify the optical counterpart of SwiftJ045106.8-694803 as a

B0-1 III-V star.

Figure 2.2 shows the three red end spectra of Swift J045106.8-694803 taken two

years apart. The ESO (top) spectrum is offset by 6 flux units. The Hα equivalent

width, considered an indicator for circumstellar disk size, is remarkably similar in

all three spectra increasing from -29±2 Å for the SAAO spectrum taken in 2009 to

-33±1 Å and -34.5±0.6 Å for the SAAO and ESO spectra taken in 2011. It is not

uncommon to see large variations in the Hα equivalent width of these systems on

timescales of months. This apparent consistency in the equivalent width (and hence

the disk size) is almost certainly linked to the X-ray activity of the source - which

has also been remarkably consistent since its detection.

2.3.2 X-rays

2.3.2.1 Position

The simultaneous source detection performed on the three EPIC cameras deter-

mined the position of Swift J045106.8-694803 as RA(J2000)=04h51m06.7s

Dec(J2000)=−69◦48’04.2”. The 1σ systematic uncertainty was assumed to be 1

arcsec in accordance with the findings of theXMM-NewtonSerendipitous Source

catalogue (Watsonet al., 2009). This is an order of magnitude larger than the statis-

tical error derived in the source detection, and as such is the dominant error on the
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Figure 2.2: ESO and SAAO spectra of Swift J045106.8-694803 in the wavelength
rangeλλ6400–6700̊A taken on 2011-12-10, 2011-09-26 and 2009-12-12 respec-
tively. Spectra have been normalized to remove the continuum and shifted by
-280 km s−1

position. This position is consistent with theSwiftpositions reported by Beardmore

et al. (2009) and Kluset al. (2013) confirming that these three detections are the

same source. Figure 2.3 shows aV-band image with the location of theSwift and

XMM-Newtonpositions with radii equal to the 1σ errors.

2.3.2.2 Timing Analysis

Figure 2.4 shows the light curve of Swift J045106.8-694803.The bottom panel

shows the Lomb-Scargle periodogram of the 20 s bin light curve. A sine wave with

the detected period was fit to the 20 s bin light curve and is overlaid for clarity. A pe-

riod at 168.8 s with a power of 46.1 was detected, rising to 82.7 when the bin size of

the light curve is reduced to 0.1 s. Monte Carlo simulations with both red and white

noise light curves were performed to determine the significance of this detection.

A bin time of 20 s was also employed for the simulations to reduce the process-

ing time. One million white noise light curves were generated by “scrambling” the

original light curve (i.e. reassigning the flux values to different time stamps) using
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Figure 2.3: XMM-Newton(solid red) andSwift (broken blue) 1σ error circles for
Swift J045106.8-694803.
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Figure 2.4: Top panel shows the EPIC pn light curve of Swift J045106.8-694803 with 50 s bins. Bottom panel shows the Lomb-Scargle
periodogram with the detected period marked along with the 99.9999% significance levels determined by white and red noise simulations.
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a random number generator. This method makes no assumption about the underly-

ing distribution of the light curve. Lomb-Scargle analysiswas performed on each

of these light curves and the highest power recorded. None ofthe 1,000,000 light

curves generated produced a peak in the periodogram greaterthan 17.0. This sug-

gests that the period discovered in the light curve has a significance>99.9999% or

4.9σ .

One million light curves were generated with a power law slope of -2.0 and the

same statistical properties (mean, standard deviation andbin time) as the EPIC-pn

light curve, using the method of Timmer and Koenig (1995)2. The light curves were

initially simulated with a duration ten times longer than that of the actual data and

were then cut down to the observed duration to minimise the effect of red noise

leakage. Gaussian noise was added to each point of this new light curve by drawing

a random deviate from a Gaussian distribution with mean and variance equal to each

data point following the method detailed by Uttleyet al. (2003). Any bins with a

negative count rate were set to zero. Lomb-Scargle analysiswas performed on each

of the simulated time series. Unlike the white noise simulations, the significance of

a peak depends on the frequency. The broken line in Fig 2.4 shows the 99.9999%

significance contour. Both the white and red noise simulations indicate that this

period is significant.

The error in the period was estimated by varying the originallight curve within

the errors on each data point, using a Gaussian random numbergenerator, 10,000

times. As with the simulations to determine the significanceof the detection, Lomb-

Scargle analysis was performed on each of these light curves. To speed up the

processing time of the simulation, the light curve was only searched for periods

between 50 s and 2000 s. The resulting histogram is well fit by aGaussian with

mean 168.5 s and a standard deviation of 0.16 s. As such I determine the period of

Swift J045106.8-694803 to be 168.5±0.2 as of MJD = 56125.0.

Light curves were generated for four energy ranges, 0.2-1.0keV, 1.0-2.0 keV,

2.0-4.5 keV and 4.5-10.0 keV with approximately equal countrates (0.12, 0.18,

0.17 and 0.13 counts s−1 respectively). Figure 2.5 shows the pulse profiles for each

of these light curves and the entire 0.2-10.0 keV light curve, each normalised to the

average count rate in the energy range. The zero phase point was determined from

the phase shift found from the sine wave fit to the 0.2-10.0 keVlight curve (see

above). Lomb-Scargle analysis was performed on each of the light curves.

The strongest detection of the period in a single band is in the 1.0-2.0 keV energy

2rndpwrlc.pro
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Figure 2.5: Left panels show the background subtracted pulse profiles from the
EPIC-pn detector, folded on the 168.5 s period detected. Right panels show the
Lomb-Scargle periodogram in the same energy range.

range, with a Lomb-Scargle power of 56.7. This does not appear to be an issue

relating to photon counting statistics, as the period is barely detected in the 2.0-

4.5 keV energy range (Lomb-Scargle power of 15.2) which has an almost identical

average count rate. The strongest period identified in the 4.5-10.0 keV energy range

was at 11.3 s with a Lomb-Scargle power of 7.8, this is likely to be noise rather than

the detection of a second period.

I investigated whether the fall off in the detection strength could be due to a

change in the shape of the pulse profile, as Lomb-Scargle analysis is more sensitive

to sinusoidal variations. I checked for periods using the epoch folding methods of

Leahy (1987). The lightcurve is folded on each trial period and tested to see if it is

consistent with a constant count rate with aχ2 test. This reinforces the results from
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Table 2.3: Summary of timing results

Energy Lomb-Scargle Pulsed Fraction

Range (keV) Power P=168.5 s P=84.3 s

0.2-10.0 82.7 0.43±0.03 -

0.2-1.0 36.1 0.42±0.07 -

1.0-2.0 56.7 0.47±0.05 -

2.0-4.5 15.2 0.34±0.05 0.13±0.06

4.5-10.0 - 0.08±0.06 0.14±0.06

the Lomb-Scargle analysis, with the strongest detection inthe 1.0-2.0 keV range

and no detection in the 4.5-10.0 keV range. The first harmonicof the period was

the strongest period identified in the 2.0-4.5 keV light curve, suggesting the pulsed

profile may become double peaked at higher energies.

The pulsed fraction of each light curve was calculated by fitting a sine wave with

the period fixed at the value found in the full 0.2-10.0 keV energy range. The phase,

amplitude and the average value of the light curve were allowed to vary and the ratio

of the amplitude and average value were taken. This is equivalent to taking the ratio

of the difference of the maximum and minimum value of the sinewave with the

sum of these values. This parameter can vary between 1 (completely pulsed) and 0

(constant rate). The values range from 0.47±0.05 for the 1.0-2.0 keV energy range

down to 0.08±0.06 for the 4.5-10.0 keV range. As the epoch folding suggests that

the profile becomes double peaked at higher energies, the fit was also performed

with the period fixed at the second harmonic for the last two energy bands. The

results are summarised in Table 2.3.

I split the light curves into two energy ranges, 0.2-2.0 keV and 2.0-10.0 keV, with

equal count rates (0.293±0.007 and 0.305±0.007 respectively). The hardness ratio

(HR) between the “soft” (<2 keV) and “hard” (>2 keV) light curves was calculated

using the formula:

HR=
Chard−Cso f t

Chard+Cso f t
(2.1)

whereChard andCso f t are the count rates in the hard and soft bands respectively.

The hardness ratio can vary between -1.0 (zero counts in the 2.0-10.0 keV band)

and 1.0 (zero counts in the 0.2-2.0 keV band). Figure 2.6 shows how the hardness

ratio varies with pulse phase. From a comparison with the left panels of Fig. 2.5,

a clear anti-correlation between the hardness ratio and thepulse profile is evident,

with the source getting harder with decreasing luminosity.
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Figure 2.6: Hardness ratio,Chard−Cso f t

Chard+Cso f t
, as a function of pulse phase.Cso f t is the

0.2-2.0 keV count rate andChard is the 2.0-10.0 keV count rate. The phase shown
is the same as that of the pulse profiles shown in Fig 2.5.

2.3.2.3 Spectral Analysis

The spectral analysis discussed here was performed usingXSPEC (Arnaud, 1996)

version 12.7.0. The three spectra from the different EPIC detectors were fit simulta-

neously with the models reported here plus an additional constant factor to account

for the variations in the different detectors. The model parameters were constrained

to be identical across the three instruments. The photoelectric absorption was split

into two components. One,NH,Gal, to account for the Galactic foreground extinc-

tion, fixed to 8.4×1020 cm−2 (Dickey and Lockman, 1990) with abundances from

Wilms et al. (2000), and a separate column density,NH,i, intrinsic to the LMC with

abundances set to 0.5 for elements heavier than helium (Russell and Dopita, 1992)

and allowed to vary. All errors stated in this section are the90% confidence range.

The spectra obtained from the three instruments were initially fit with a simple

absorbed power law model (phabs*vphabs*powerlawin XSPEC, wherevphabsis

the photoelectric absorption with variable metal abundances, set by the user). This

lead to an acceptable fit with aχ2 of 270.5 for 236 degrees of freedom (dof) with

a photon index ofΓ = 0.97± 0.05 and intrinsic absorptionNH,i = (1.3± 0.4)×
1021 cm−2.
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Table 2.4: Best fit parameters for the spectral fits. In all three models thephabscomponent is fixed at 8.4×1020 cm−2 (Dickey and Lockman,
1990). Errors, where reported, are the 90% confidence level.

Model
NH,i Γ kTBB Flux(a) L(b)

X χ2
r /dof

[1021 cm−2] [keV] [10−12 erg cm−2 s−1] [1036 erg s−1]

phabs*vphabs*powerlaw 1.3±0.4 0.97±0.05 - 3.4+0.1
−0.2 1.03±0.09 1.15/236

phabs*vphabs*(bbody+powerlaw) 1.6+1.0
−0.8 1.4+0.5

−0.3 1.8+0.2
−0.3 3.2+0.1

−0.2 0.98±0.09 1.08/234

phabs*vphabs*(diskbb+powerlaw) 5+3
−5 4+1

−4 4.2+1.0
−0.6 3.0±0.1 0.92±0.06 1.09/234

Notes.(a) Observed flux in the 0.2-10.0 keV range.(b) Source intrinsic luminosity in the 0.2-10.0 keV range, corrected for absorption and
assuming a distance to the LMC of 50.6 kpc.
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Figure 2.7: The 0.2–10.0 keV EPIC-pn (black), EPIC-MOS1 (red), EPIC-MOS2
(green) spectra of Swift J045106.8-694803. Top panel displays the background
subtracted spectrum with best fitphabs*vphabs(powerlaw+bbody)model, bottom
panel shows the residuals.

The photon index is typical for those seen in other Be/X-ray binaries, particularly

in the SMC (Haberlet al., 2008a).

The possibility of a thermal component was also explored andmodelled by ei-

ther a blackbody or diskbb model. Including these parameters improved the fit

marginally (χ2 of 252.8 and 255.7 for 234 dof respectively) but F-tests suggest that

these are significant at 99.96% and 99.86% respectively (i.e. >3σ ). Fig. 2.7 shows

the 0.2–10.0 keV spectrum along with the best fit model (phabs*vphabs(powerlaw+bbody)).

The parameters of all the models discussed here are includedin Table 2.4. The best

fit parameters for thephabs*vphabs*(diskbb+powerlaw)are both unphysical and

poorly constrained (e.g.Γ = 4+1
−4 is incredibly soft andkT = 4.2+1.0

−0.6 is too hot for a

disc, which havekT∼0.1), as such, only the results of thephabs*vphabs*(bbody+powerlaw)

model are discussed in detail. The total unabsorbed flux fromthe blackbody com-

ponent is 1.3±0.8×10−12 erg cm−2 s−1, accounting for approximately 40% of the

total emission of the source.

An intrinsically narrow Gaussian was added to the model at 6.4 keV to see if any

evidence for an Fe-Kα line exists. The upper limit on the equivalent width of this

component was derived as 0.3 keV. Allowing the energy or width of this feature to

vary does not alter this result, as such I conclude that thereis no evidence for Fe-Kα
emission in the X-ray spectrum of Swift J045106.8-694803.
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2.3.3 Modelling the Phase Resolved Spectra and Pulse Profiles

The anticorrelation seen between the hardness ratio and pulse profile has previously

been reported for another persistent BeXRB, RX J0146.9+6121 by La Palombara

and Mereghetti (2006). Pulsed phased spectroscopy revealed that the change in

spectra could be explained with a static blackbody and variable power law (among

other solutions). This possibility was explored by generating 10,000 EPIC-pn spec-

tra with the same absorption, photon index and blackbody temperature as the best fit

model using thexspec commandFAKEIT. These parameters were fixed as they are

linked to the physical properties of the system and/or the local environment and so

are unlikely to change on a timescale of seconds. The value ofthe normalisation for

the power law and blackbody varied from zero to 5.0×10−4 in steps of 5.0×10−6.

The total number of counts as well as the hardness ratio were calculated for each of

the simulated spectra. The results of the simulation were searched for the normali-

sation values which produced the same count rate and hardness ratio as the different

phase bins in Fig. 2.6 within errors.

The results of the simulations, along with the pulse profile and hardness ratio,

are shown in Fig. 2.8. Interestingly, a constant blackbody could not reproduce the

range of hardness ratios seen. A modulation of the blackbodycomponent∼ π out of

phase with that of the power law is required to reproduce the data. Figure 2.9 shows

the simulated spectrum and model components of Swift J045106.8-694803 at the

hardness ratio maximum (hardest) and minimum (softest). The pulsed fraction of

the power law and blackbody components are consistent at 0.6±0.2 and 0.7±0.3

respectively.

Since the blackbody component varies with the rotation of the neutron star and

can be inferred to have a small (R<RNS) emitting size fromLX and KTBB, it is

possible that this region is a hot, magnetic polar cap on the neutron star surface. By

adopting a model for the hot spot emission and fitting this model to the pulse profile,

the geometry of the system can be constrained, in particular, the angle between the

rotation and magnetic axisα and the angle between the rotation axis and line-of-

sightζ .

Proper modelling requires detailed knowledge of the magnetic field and temper-

ature distributions over the neutron star surface and is beyond the scope of this work

(see, e.g., Ho 2007). Nevertheless useful insights can still be easily obtained using

a simple model: two antipodal hot spots that emit as a blackbody and have a beam

pattern (i.e., angular dependence) which is isotropic and has no energy-dependence.

For each(α,ζ ), the pulse profile is calculated using the analytic approximation of
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Figure 2.8: Panels from top to bottom show (1) 0.2-10.0 keV pulse profile (2)
Hardness ratio (3) The normalisation of the blackbody (BB) required to produce
the hardness ratio and count rate of the given phase bin and (4) The normalisation
of the power law (Γ) required for the given phase bin. The broken line in panel (3)
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spectrum, according to the simulations, and the model components.

Beloborodov (2002) to the exact relation given in Pechenicket al. (1983) which

accounts for gravitational light-bending. The pulse profiles are degenerate in the

two angles, i.e.,(α,ζ ) and(ζ ,α) produce the same profile. A neutron star mass

MNS = 1.4M⊙ and radiusRNS = 12 km are assumed. These model pulse profiles are

then fit to the blackbody pulse profile (see panel (3) of Fig. 2.8), allowing the phase

and amplitude to vary. Shaded regions forχ2
r (for 8 degrees of freedom) values are

shown in Fig. 2.10, the crosses indicate the best-fit values.

For this emission model, theα − ζ parameter space can be divided into four

regions which correspond to four classes defined in Beloborodov (2002) (see Figure

2.11): ClassI is where one pole is visible all the time, the second pole never, classII

is where one pole is visible all the time and the second pole some of the time, class

III is where both spots are seen some of the time and classIV is where both spots

are always seen. A geometry in class IV is immediately ruled out as it requires the

blackbody flux to be constant. Similarly, the out of phase pulsations of the power

law (interpreted as the accretion column) and the blackbodysuggests I can also

rule rule out a geometry in class I, if the accretion column islocated just above

the neutron star surface since it will always be eclipsed by the neutron star. The

results from the fitting suggest that both of the neutron starpoles are visible during

a rotation of the neutron star, with best-fit values for the angles of 53◦ and 70◦.



2.4 Discussion 53

Figure 2.10: χ2
r contours of the fit to the blackbody pulse profile for the angle

between rotation and magnetic axes,α , and angle between rotation axis and line-
of-sight,ζ . Crosses indicate the best-fit values. The four classes (I–IV ) are defined
in the text.

2.4 Discussion

A soft excess is a common feature in the X-ray spectra of HMXBs. It is hypothe-

sised that a soft excess is in fact present in all HMXB spectra, though not always

detected due to the high intrinsic absorption and flux of somesources. For sys-

tems withLX & 1038 erg s−1, this excess is thought to originate from the inner

radius of an accretion disc surrounding the neutron star. For less luminous sources

(LX . 1036 erg s−1), the soft excess is attributed to other processes, e.g. thermal

emission from the neutron star’s surface (Hickoxet al., 2004).

The temperature and flux of the blackbody component detectedin this observa-

tion of Swift J045106.8-694803 (kTBB= 1.8+0.2
−0.3 keV, fX,BB= 1.3±0.8×10−12 erg cm−2 s−1)

along with a distance to the LMC of 50.6±2.1 kpc (Bonanoset al., 2011) implies an
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Figure 2.11: Blackbody pulse profiles for classesI-IV . (Taken from Beloborodov
(2002))

X-ray luminosity 9.8±0.9×1035 erg s−1 and blackbody radius ofRBB=0.5±0.2 km.

This is calculated using the formulaRBB =
√

LX/(4πσT4) with all errors repre-

senting the 90%confidencelimits. The radius is substantially less than that of a

neutron star and, along with the low luminosity of 9.8±0.9×1035 erg s−1, rules

out emission from the accretion disc as the origin of the excess.

In the last 10 years a subset of BeXRBs have been discovered which are reported

to have a “hot” (kTBB > 1 keV) thermal excess (see Table 2.1). These all have

RBB .1 km, suggesting emission from the neutron star polar cap. These systems

are characterised by long pulse periods (P>100 s) and persistent, low level X-ray

emission, much like Swift J045106.8-694803. Could this be a selection effect? The

ability to detect pulsations in a given observation decreases with increasing pulse

period. This could lead to pulsars with longer pulse periodsbeing observed for

longer and thus havinga greater number of counts in the source spectrum. This in
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turn would allow fainter spectral components to be detected. However, there are

several pulsars with both short and long periods that have been observed with a

similar or greater number of total counts than seen here which have not shown any

evidence for this spectral component (see Haberlet al. 2008a, Sturmet al. 2012b

and Townsendet al. 2011, for recent examples withXMM-Newton). As such I

conclude that this cannot be an observational bias.

Thermal emission is often assumed to have the greatest contribution to the soft

band - the simulations show that this is not the case here. Theblackbody com-

ponent contributes the greatest proportion of the flux at energies& 4.0 keV. If the

thermal excess originates from the polar cap, then intuitively one would expect it

to be pulsed. The results of the simulations performed seem to suggest that this

is indeed the case. Despite similar levels of variation in both components in the

hardness ratio minimum and maximum spectra (see Fig. 2.9), the overall spectrum

varies very little above∼ 3 keV. This reflects the results of the Lomb-Scargle anal-

ysis of the higher energy light curves, which lack strong evidence for pulsations. It

also explains the reduction in the pulsed fraction at higherenergies, which is usu-

ally observed to increase with both increasing energy and decreasing source flux as

the regions emitting the X-rays become more compact (Lutovinov and Tsygankov,

2008). Above 10 keV, the dominant component in the X-ray spectrum is once again

the power law component. If the blackbody component is trulypresent then pulsa-

tions should once more be detectable at higher energies.

The decomposition of the spectral components has allowed the geometry of the

neutron star to be constrained. The constraints are approximate since I assumed a

simple blackbody emission model. More sophisticated modelling is not warranted

at this time given the relatively large uncertainties on thepulse profile. Detailed

modelling of deeper observations, with better signal-to-noise, could provide an in-

dependent measurement of the magnetic field; furthermore, future polarization stud-

ies could even break the degeneracy betweenα andζ .

Klus et al. (2013) use the pulse period determined in this work along with data

from Swift andRXTE to show that Swift J045106.8-694803 has a magnetic field

above the quantum critical value. Two other “accreting magnetar” candidates (i.e.

accreting neutrons stars withB > Bcrit ) are currently known, 4U2206+54 (Reig

et al., 2012) and SXP 1062 (Popov and Turolla, 2012; Hénault-Brunetet al., 2012).

Intriguingly, both of these sources are members of the hot thermal excess population

(see Table 2.1) which suggests a possible link between thesephenomena (although

SXP 1062 is also surrounded by a supernova remnant withkTBB = 0.23±0.05 keV

possibly adding to the thermal excess, Haberlet al.2012b). However, not all of the
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sources listed in Table 2.1 have the largeṖ indicative of a strong magnetic field,

indicating that the hot thermal excess could be necessary but not sufficient evidence

for a strong magnetic field.

2.5 Conclusion

I have presented detailed analysis of a recentXMM-NewtonToO observation of the

HMXB Swift J045106.8-694803. I have classified the optical counterpart to this

system as a B0-1III-V star, establishing this source as a BeXRB. The period was

determined to be 168.5±0.2 s as of MJD = 56125.0. The detection strength of the

pulsations decreases with increasing energy, with no detection of the period at en-

ergies>4.5 keV. The X-ray spectrum is adequately represented by twomodels, a

single component continuum model (an absorbed powerlaw) and a two component

continuum model (an absorbed powerlaw and blackbody). The extra blackbody

component, though just formally significant, is not necessary for an acceptable fit

to the spectrum and the parameters of thephabs*vphabs*powerlawmodel are con-

sistent with those reported for other BeXRBs. However, it isdifficult to explain the

dramatic decrease in the pulsations with increasing energywith a single component

model. A two component model, with anticorrelated pulsations, can account for this

behaviour and the anticorrelation of the hardness ratio andpulse profile and implies

α andζ values of 53◦ and 70◦.

The high temperature of the blackbody (kTBB = 1.8+0.2
−0.3 keV) implies a radius

of blackbody radius ofRBB = 0.5±0.2 km, and is attributed to emission from the

polar cap of the neutron star. This is not the first detection of a hot thermal excess

in the X-ray spectra of HMXBs (see Table 2.1 for recent examples) and interest-

ingly Swift J045106.8-694803 shares common characteristics with these sources

including persistent low level X-ray emission and a long pulse period (P>100 s). If

confirmed to be the latest member of this emerging class, it would be the brightest

and shortest period source.

Two of the other sources listed in Table 2.1 also have highṖ values, indicating

a strong magnetic field. Whilst based on a small sample, this could suggest that

there is a link between a hot thermal excess and the magnetic field strength. Further

monitoring of the pulse periods of these sources as well as the temperatures of their

thermal components could reveal if this is causal or coincidence. If our analysis is

correct, I predict that above 10 keV the pulse period should once more be detectable

as the power law becomes the dominant component in the X-ray spectrum once
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again.

Most of the known X-ray pulsars in the Small and Large Magellanic Clouds

have been detected withRXTEduring a∼10 yr monitoring campain (Galacheet al.,

2008).RXTEhas a limited response below 2 keV and this particular pulsar, with its

soft pulses and low level emission, would not have been detected unless it went into

outburst. Detailed analysis of theXMM-Newtonsurvey of the SMC (Haberlet al.,

2012a) could reveal a further population of these softly pulsating HMXBs.





that quite definitely is the answer. I think the problem, to be

quite honest with you, is that you’ve never actually known

what the question is.

THE HITCHHIKER’ S GUIDE TO THE GALAXY (1979)

3
Timing and Spectral Analysis of the

Unusual X-Ray Transient

XTE J0421+560/CI Camelopardalis

In this chapter I present a detailed X-ray study of the 2003XMM-Newtonobser-

vation of the sgB[e]-XRB CI Cam. This system consists of a compact object pri-

mary and supergiant B[e] secondary within a dusty torus, centred on the supergiant

star. I decompose the apparently broad iron line into 3 separate components: FeI-

Kα, FeI-Kβ and FeXXIV -XXV Kα. It is unclear how both neutral and almost fully

ionised iron can exist simultaneously, however I suggest this could be evidence

that the compact object is embedded in the circumstellar material of the secondary

star. This does not appear to be consistent with the X-ray fluxand spectrum of the

source, which has remained essentially unchanged since theinitial outburst in 1998,

which lead to this source’s discovery. The iron abundance implied by the ratio of

the neutral Fe-Kα and Fe-Kβ is compatible with solar. I find marginal evidence

for an∼10 ks lag in the neutral Fe-Kα light curve with respect to the continuum.

I interpret this as the light crossing time of the torus whichwould suggest that the

neutral iron is located at a radius of 10 AU. I discuss the nature of this system in

light of the results and place it in context with other binaryB[e] stars. The discus-

59
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sion in this Chapter was written in collaboration with Dr. Simon Clark. Dr. Phil

Uttley contributed the discussion on the use of the F-test for determining emission

or absorption line significance.

3.1 Introduction

The X-ray transient XTE J0421+560 was discovered by the All-Sky Monitor on-

board RXTE during a strong outburst in 1998 by Smithet al. It brightened to a peak

flux of ∼2 Crab within a few hours before rapidly decaying, reaching quiescence

in under two weeks. Observations at different wavelengths immediately after the

outburst revealed similar behaviour in the optical and radio bands with a peak flux

density of almost 1 Jy at 8.30 GHz (e.g. Clarket al.2000). Initial radio observations

suggested that there might be a superluminal expansion (Hjellming et al., 1998),

but subsequent analysis showed that the radio emitting region was expanding with

a velocity of only∼12,000 km s−1 (Mioduszewski and Rupen, 2004). The X-ray

spectra seen bySAX(Fronteraet al., 1998),RXTE(Belloni et al., 1999) and, more

recently,XMM-Newton(Boirin et al., 2002) are dominated by an emission feature

at 6-7 keV attributed to the Fe-Kα fluorescence line.

The optical counterpart of XTE J0421+560 is CI Cam, a B0-2 supergiant B[e]

star as classified by Clarket al. (1999), Hyneset al. (2002) and Robinsonet al.

(2002), establishing this system as a High Mass X-ray Binary(HMXB). Com-

mon properties of stars exhibiting the B[e] phenomenon are the presence of for-

bidden emission lines in their optical spectra and a strong infra-red (IR) excess.

This IR excess is attributed to a hot circumstellar dust shell (Zickgraf et al., 1986).

Until the launch ofINTEGRALCI Cam was the only known sgB[e] companion

star in a HMXB.INTEGRALhas since identified another sgB[e]-XRB candidate,

IGR J16318-4848 (Courvoisieret al., 2003).

The circumstellar gaseous environment of CI Cam has been undermuch scrutiny

since the 1998 outburst. Robinsonet al. (2002) propose a two-component wind

from the sgB[e] star to explain their observations; a cool, low velocity “iron” wind

and a hot, high velocity wind. The low velocity wind is dense,roughly spherical

and extends to a radius of 13 to 50 AU. They note it is unclear asto how these winds

with very different densities and velocities co-exist. Following a series of spectro-

scopic observations, Hyneset al. (2002) also conclude that the emission lines must

originate from several physically separate regions. Unlike Robinsonet al. (2002),

they associate the H Balmer lines, HeI and FeII lines with the same region; a disk,



3.1 Introduction 61

Figure 3.1: Proposed schematic of R126 - the archetypal sgB[e] star, taken from
Zickgraf et al. (1985)

or equatorial outflow region, viewed nearly pole on. This is consistent with the two

component stellar wind model for supergiant B[e] stars proposed by Zickgrafet al.

(1985, 1986) (see Fig. 3.1).

Analysis of high resolution optical spectra by Miroshnichenkoet al. (2002), ob-

served almost 3 years after the outburst, revealed clearly resolved emission line

profiles, displaying a triple peak structure. They suggest that this implies an inter-

mediate inclination angle of the circumstellar disk with respect to the line of sight.

Recent interferometric work in the near infrared over an eight year period from the

outburst by Thureauet al.(2009) resolves the emitting region. They model this as a

skewed elliptical Gaussian ring with semi-major axisa = 19.0±1.2 AU (assuming

a distance of 5 kpc) with an inclination angle ofi ≃ 67◦ (see Fig. 3.2). Barsukova

et al. (2006) report a 19.41±0.02 day orbit period in the optical light curve of CI

Cam, along with Doppler shifts in the HeII 4686Å line on the same time scale. The

proposed period would put the semi-major axis of the binary orbit between 100-

130R⊙: close to the surface of the star (based on mass and radii measurements of

sgB[e] stars by Zickgrafet al.1986).
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Figure 3.2: The best-fitting Gaussian skewed ring model to the infra-red interfer-
ometry data, taken from Thureauet al. (2009)

Unfortunately, distance estimates to XTE J0421+560 are uncertain with a wide

range of values being adopted in the literature. This is primarily due to the lack of

reliable spectral diagnostics available to determine the luminosity class of the mass

donor. Consequently, estimates range from 1-17 kpc. This in turn means that the

X-ray luminosity of the outburst is not well constrained andas a result the nature

of the compact object of this binary system is still unclear.We critically discuss the

distance and nature of the system in Section 3.5.

3.2 Observations and Data Reduction

The X-ray observation discussed in this Chapter was taken during satellite revo-

lution #588 on February 24, 2003. The observational data files, light curves and

spectra were processed and produced following the procedure detailed in Section

2.2.2. Table 3.1 summarises the details of the EPIC observations. The data were

processed using theXMM-NewtonSAS v9.0 along with software packages from
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Table 3.1: XMM-NewtonEPIC observations of XTE J0421+560 on 2003 February
24

Camera Filter Read out Observation Exp.

Mode MJD Start End(UT) (ks)

MOS1/2 Medium Full Frame
52694.5

12:34 05:50 59.5

pn Thin1 Full Frame 12:56 05:50 60.3

FTOOLSv6.8.

Source counts were extracted from a 24 arcsec radius region (as recommended

by the SAS taskeregionanalyse) centered on XTE J0421+560 and were compared

with those from statistically identical background regions with extraction radii 60

arcsec. Whilst several periods of high background activity are present in the data,

the source is brighter than the background for all but the final ∼13 ks of the obser-

vation. Hence we have not included this final section in the light curves reported

here. The closest of the statistically identical background region (located on a neigh-

bouring CCD as the source in the case of the pn and the same CCD for the MOS

detectors) was used as the final background region for the light curves presented in

this Chapter. For the spectra, periods of high background activity were screened by

removing any times when the single pattern count rate above 10 keV was>0.8 cts

s−1 for the MOS detectors and>1.5 cts s−1 for the pn detector.

3.3 Spectral Analysis

The spectral analysis discussed in this work was performed usingXSPEC (Arnaud,

1996) version 12.7.0. The spectra from the three EPIC detectors were fit simul-

taneously with the model parameters constrained to be identical across the three

instruments. All models have an additional constant factorto account for the instru-

mental differences. All elemental abundances are set to thevalues of Wilmset al.

(2000) unless otherwise stated.

Figure 3.3 shows the spectrum of XTE J0421+560 both before and after back-

ground subtraction along with the background spectrum used. The spectrum of

XTE J0421+560 is characterised by heavy absorption and a large emission feature

at∼6.5 keV. Boirinet al. (2002) report a soft (<2 keV) excess in their 2001 obser-

vation. Whilst there does appear to be evidence for a soft excess in the background

subtracted spectrum, when the uncorrected source spectrumis compared with the

background spectrum, the shape of the spectrum and value of the data points below
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Figure 3.3: The 0.2-12.0 keV spectrum of XTE J0421+560. Top panel shows the
background subtracted spectrum, bottom panel shows the source spectrum before
background subtraction (in black) along with the spectrum of the background (red).
All spectra are normalised.

3 keV are almost identical. A visual inspection of the X-ray image shows no detec-

tion of the source below 3 keV. Whilst the existence of a soft excess in the spectrum

of XTE J0421+560 cannot be ruled out, I believe that this could be an artifact of the

background subtraction and so do not include the<3 keV data points in the model

fits.

The continuum of the spectrum was first fit by excluding the data around the

iron line region (6.2-6.9 keV). The absorption was modeled with two elements,

a Galactic foreground component,NH,Gal fixed to 4.5× 1021 cm−2 (Dickey and

Lockman, 1990) and a separate column density,NH,i, intrinsic to the source which

was allowed to vary. A simple absorbed power-law model (phabs*phabs*powerlaw

in XSPEC) yielded a respectable fit with aχ2 value of 135.6 for 128 degrees of

freedom (dof;χ2
r = 1.06). A partially covered power law model was also fit to

the data (phabs*pcfabs*powerlawin XSPEC). In this model the underlying power

law is fractionally covered by an absorbing material with the uncovered emission

absorbed by the interstellar medium. This did not improve the continuum fit with

a χ2 value of 144.4 for 127 dof (χ2
r = 1.14). I also fit the continuum with a power
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law partially covered by an ionised absorber (phabs*zxipcf*poin XSPEC). This

produces a statistically better fit than the partial covering model alone with aχ2 of

138.4 for 133 dof (χ2
r = 1.04), but with unfeasible model parameters (Γ = 3.4+1.3

−1.6).

Again, the covering fraction and ionisation parameter bothsuggest that an ionised

partial covering model is unnecessary.

The region around the iron line was then included in the modelfit. A single (un-

absorbed), intrinsically narrow, Gaussian was added to themodel with the energy of

the line allowed to vary. The resulting fit has a Kα line at 6.43±0.02 keV. The fit

has aχ2 of 196.7 (χ2
r of 1.17 for 168 dof). A better fit is produced by allowing the

Gaussian width to vary (χ of 167.3;χ2
r of 1.00 for 167 dof), with a broad iron line

at 6.48±0.04 keV withσ = 0.23+0.08
−0.06 keV. Figure 3.4 shows the EPIC-pn spectrum

of the iron line region along with the best fit narrow and broadiron lines. Whilst

statistically better than a single, narrow Gaussian, this fit has significant residuals

and appears to be fitting the iron edge at 7.1 keV within the Gaussian. I do not

believe this fit is physical.

A second intrinsically narrow Gaussian was added to the model at 6.67 keV, con-

sistent with ionised Fe-Kα. This further reduced theχ2 to 171.0 (χ2
r =1.03 for 166

dof). Finally, a Kβ line was added to the model fixed at 7.06 keV. The normalisa-

tion was initially constrained to be 0.13 of that of the Kα line (Kaastra and Mewe,

1993). This reduced theχ2 to 164.7 (χ2
r =0.98 for 168 dof). When the normali-

sation and energy are unconstrained the line energy remainsessential unchanged

(EKβ = 7.05+0.08
−0.07) and the ratio between Kβ and Kα rises to 0.3±0.2, consistent

with the theoretical value.

Determining the significance of the iron lines in the spectrum is tricky. Protassov

et al.(2002) in particular warn against using the F-test to determine the significance

of an emission line. One of the main criteria for using this statistical tool is that

the two models in question must be nested, i.e. the parametervalues of one model

must be a subset of the second model. Allowing the line energyto be free (as in

the fitting) means that the models are no-longer nested and sothe energy of the line

cannot be incorporated as a free-parameter in the F-test. Instead, I need to allow

for the fact that I have conducted a number of trials,N, over the energy range of

the line. Conservatively, I estimate that the chance detection probability is at most

∼ 1− (1−P)N, whereP is the probability value returned by the F-test (see Porquet

et al. 2004 for a full discussion). Since the line energies are within the instrument

resolution of the expected values of 6.4 keV and 6.7 keV and not simply at some

arbitrary redshift, the number of independent trials that Ihave effectively searched

over is small. Here I adopt a value of 3 forN.



66 Chapter 3. Timing and Spectral Analysis of XTE J0421+560/CICam

5.5 6.0 6.5 7.0 7.5

0.01

0.02

0.03

0.04

0.05

5.5 6.0 6.5 7.0 7.5

0.01

0.02

0.03

0.04

0.05

5.5 6.0 6.5 7.0 7.5

0.01

0.02

0.03

0.04

0.05

5.5 6.0 6.5 7.0 7.5
Energy (keV)

0.01

0.02

0.03

0.04

0.05

N
or

m
al

iz
ed

 C
ou

nt
s 

s−
1  k

eV
−

1

Figure 3.4: The EPIC-pn spectrum of XTE J0421+560 around the iron line. Top
panel shows the single broad Fe-Kα line fit to the data, second panel shows the
intrinsically narrow neutral Fe-Kα and ionised Fe-Kα line (see text), bottom panel
shows the intrinsically narrow neutral Fe-Kα and Fe-Kβ line and ionised Fe-Kα
line.
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Table 3.2: Best fit parameters for the absorbed power law model fits to the full 3.0-12.0 keV spectrum. The abbreviations for the differ-
ent model components are:“ph” for phabs, “po” for powerlawand “G” for Gaussian. The widths of all Gaussians are fixed at 0 keV, i.e.
intrinsically narrow. Errors, where reported, are the 90% confidencelevel.

Model
FeI Kα FeXXIV -XXV Kα FeI Kβ

NH,i Γ Energy Flux Energy Flux Energy Flux χ2/dof
(×1023cm−2) (keV) (ph s−1 cm−2) (keV) (phs−1 cm−2) (keV) (phs−1 cm−2)

ph*ph*po 5.6±0.6 1.4±0.2 - - - - - - 280.1/170

ph*((ph*po)+G) 4.8+0.6
−0.5 1.2±0.2 6.43+0.02

−0.03 (6±1)×10−6 - - - - 196.7/168

ph*((ph*po)+G+G) 4.5±0.5 1.1±0.2 6.42+0.01
−0.03 (6±1)×10−6 6.67+0.03

−0.04 (3±1)×10−6 - - 171.0/166

ph*((ph*po)+G+G+G) 4.4±0.5 1.0±0.2 6.41+0.03
−0.02 (6±1)×10−6 6.67+0.02

−0.03 (3.3+0.9
−1.0)×10−6 7.05+0.08

−0.07 (2.0±0.9)×10−6 161.0/164
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Table 3.3: Estimates of the significance of the iron lines based on the two methods
described in the text. Errors, where reported, are the 90% confidencelevel.

F-Test FeI Kα FeXXIV -XXV Kα FeI Kβ
F statistic 79.3 30.4 10.1
Chance detection

2.2×10−15 3.8×10−7 5.2×10−3
probability

Equivalent width FeI Kα FeXXIV -XXV Kα FeI Kβ
Eqwidth (eV) 220+90

−50 100+30
−40 90±50

Significance 7.24σ 4.11σ 2.96σ

The data were fit with the simple absorbed power law model and the narrow iron

lines added incrementally, as described above. They were then frozen at the best

fit energy from thephabs*((phabs*po)+Gaus+Gaus+Gaus)model and an F-test

was performed after the addition of each line. As such each model is compared

with the previous, simpler model. The significances were also estimated using the

equivalent widths of the lines and their errors. The resultsof both of these methods

are listed in Table 3.3. Both the neutral and ionised Kα lines appear to be clearly

significant. There appears to be only a marginal detection ofthe expected Kβ line,

nonetheless the flux of the line is consistent with Solar metallicity. A considerable

iron abundance would be required for a strong detection of this line with the signal

to noise reported here.

The continuum and line parameters for the best fit model are listed in Table 3.2.

Figure 3.5 shows the best fit model to the spectrum. The final model fit has a photon

index ofΓ = 1.0±0.2 and an intrinsic absorption ofNH = 4.4±0.5×1023 cm−2,

with a χ2 of 161.6 (χ2
r =0.98 for 164 dof).

I also attempted to fit the thermal model of Ishidaet al. (2004), derived from an

ASCAobservation, to the data. In this model emission from two regions of hot dif-

fuse gas are photoelectrically absorbed independently (phabs*mekal+phabs*mekal

in XSPEC) with the elemental abundances of Anders and Grevesse (1989). The pa-

rameters were frozen to the best fit values of Ishidaet al. (2004), with only the nor-

malisation allowed to vary, and fit to the 0.5-10.0 keV spectrum. This is the energy

range investigated by Ishidaet al. (2004) and allowed for a direct comparison. The

resulting fit was poor with aχ2 of 1023.6 (χ2
r =5.62 for 182 dof), rising to 1040.6 (

χ2
r =6.09 for 171 dof) when only the 3.0-12.0 keV energy range wasconsidered. Al-

lowing the absorption and plasma temperature to vary improved the fit (χ2=308.2;

χ2
r =1.7 for 178 dof) but with unfeasible model parameters (e.g.NH ∼ 1026 cm−2,

kT∼80 keV).
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Figure 3.5: EPIC-pn (black), EPIC-MOS1 (red) and EPIC-MOS2 (green) spectra,
along with best tphabs*((phabs*po)+Gaus+Gaus+Gaus)model to the data (solid
line). Broken line shows the absorbed power law component.

3.4 Timing Analysis

Figure 3.6 shows the background subtracted 3.0-12.0 keV light curve for XTE J0421+560,

with a bin time of 500 s, from the EPIC-pn detector. The total net counts for

the light curve, after background subtraction and excluding triple and quadruple

pixel events, is∼5000 counts. This corresponds to an average net count rate of

0.107±0.002 counts s−1, substantially brighter than the 2001 observation which

found 0.024±0.002 counts s−1 (Boirin et al., 2002). The light curve has a frac-

tional root-mean-squared variability amplitude of 0.37 (calculated using equation

(10) of Vaughanet al.2003).

Figure 3.7 shows the source light curve split into three different energy bands.

The top panel shows the light curve for the lower energy continuum (4.5-6.0 keV),

the middle panel shows the light curve in the range defined as the Fe-Kα line from

the spectral fits (6.20-6.55 keV) and the bottom panel shows the light curve for the

higher energy continuum (7.5-9.0 keV). The Fe-Kα line spans a much narrower

range of energies than the continuum light curves. This is toavoid contamination

from the hypothesised ionised Kα line and the Kβ line, as well as to minimise any

contribution of the underlying continuum to the cross correlation function (CCF).
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Figure 3.6: Background subtracted 3.0-12.0 keV light curve of XTE J0421+560
from the EPIC-pn detector.
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Figure 3.7: light curves of the background subtracted low energy continuum (4.5-
6.0 keV), the Fe-Kα line (6.2-6.55 keV) and the high energy continuum (7.5-
9.0 keV).
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Above∼9.0 keV the signal to noise of the system reduces and so these data are not

included in the analysis.

Cross-correlation analysis was performed on the three lightcurves mentioned

above and an additional low and high energy continuum light curves with energy

ranges 3.0-4.5 keV and 9.0-10.5 keV respectively. The IDL routinec correlate.pro

from the IDL Astronomy User’s Library1 was used throughout. The continuum

light curves were correlated with the sum of the other 3 continuum light curves (i.e.

the rest of the spectrum without the iron line complex). The Fe-Kα line light curve

was correlated with the sum of all the continuum light curves. Figure 3.8 shows

the CCFs of the light curves with respect to the continua. The solid black lines

are the same CCFs, smoothed using a moving average method with awindow size

of 3500 s (7 time bins) in an attempt to minimise the noise. A positive time delay

corresponds to a lag in the variation of the light curve with reference to the continua.

The Fe-Kα CCF appears to be more asymmetric than its continuum counterparts.

More explicitly, the minimum present in the continua CCFs around∼10 ks does not

seem to be present.

Whilst the energy range of the Fe-Kα line has been deliberately defined to keep

continuum contamination at a minimum, inevitably there will be some contamina-

tion as there is no way to separate the line emission from the continuum emission at

these energies. As such I expect to see some correlation of the light curves at zero

lag. However, an asymmetry in the CCF is often interpreted as evidence for a lag

(e.g. Petersonet al.1998) and so I explore the possibility that the shape of the CCF

could be due a transfer function which includes some power atpositive lags.

I define the “asymmetry factor”,Asym, of the CCFs to be the ratio of the differ-

ence of the half widths of the peak at tenth maximum, to the sumof the half widths.

This gives a number between -1 and 1, with zero being perfectly symmetrical. A

positive value ofAsym indicates that the gradient of the peak is steeper on the neg-

ative lag side and vice versa for a negative value. TheAsym values of the continua

CCFs are all very similar, ranging from -0.04 to -0.08, suggesting they are essen-

tially symmetrical. However, theAsymvalue for the Fe-Kα CCF is 0.39, indicating

a moderate level of asymmetry.

The method of Zhang (2002) was then used to see if the asymmetry seen in

the Fe-Kα CCF could be caused by Poisson noise. Monte-Carlo simulations were

performed to assess the significance of this asymmetry. Ten thousand red-noise light

curves were generated with a power law slope of -2.0 using themethod of Timmer

1http://idlastro.gsfc.nasa.gov/
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Figure 3.8: The cross-correlation functions of the light curves. The continua light
curves (3.0-4.5 keV, 4.5-6.0 keV and 7.5-9.0 keV) were cross-correlated with the
sum of the remaining continua light curves whilst the Fe-Kα (6.2-6.55 keV) light
curve was cross-correlated with the sum of all the continua light curves.The solid
black line is smoothed CCF.



3.5 Discussion 73

and Koenig (1995) and the IDL routinerndpwrlc.pro. The light curves were initially

simulated with a duration ten times longer than that of the actual data and were then

cut down to the observed duration to account for red-noise leakage. The simulated

light curve was then used to create four light curves with thestatistical properties

of the observed light curves, resulting in four identical light curves distinguishable

only by their mean and standard deviation. Noise was then added to each data point

of the simulated light curves by adding a Gaussian deviationwith a mean of zero

and a variance equal to that of the corresponding data point in the real light curve

(similar to the method of Uttleyet al.2003). Any negative data points were then set

to zero. The three continuum light curves were then combinedand cross-correlated

with the fake Fe-Kα line light curve in the exact same manner as the observed data.

The asymmetry factor and peak value of the smoothed CCFs were then calculated.

Of the 104 CCFs generated in the Monte Carlo simulation, 303 were observedto

haveAsym> 0.39 suggesting a significance of∼97% or 2.1σ . This result remains at

a similar significance (2.3σ ) when a red noise power law index of -1.0 is considered.

The asymmetry factors and peak values of the continuum CCFs allfall within the

central 50% of the distribution. Whilst this result is not formally significant, the low

signal to noise of the data makes a convincing result unlikely.

3.5 Discussion

The continuum parameters of the best fit model are consistentwith those reported

by Boirin et al. (2002). The total 3.0-10.0 keV flux of the model is(1.36+0.04
−0.05)×

10−12 erg cm−2 s−1 corresponding to an X-ray luminosity ofLX(3−10keV) =(4.1+0.1
−0.2)×

1033 erg s−1 at a distance of 5 kpc. This is a slight increase on that seen inthe pre-

vious XMM observation (LX(0.5−10keV) = 3.5× 1033 erg s−1; Boirin et al. 2002),

however as there are no errors quoted on this value I cannot say whether this in-

crease is significant. Whilst these luminosities do not coverthe same energy range,

as the system is undetected below 3 keV in thisXMM observation it is unlikely

that theLX(0.5−10keV) will vary much from the luminosity reported above. The flux

values used to calculate the luminosities are derived from the spectral fits and so

are also model dependant. The light curve seems to contradict the results from the

spectral fits to the data, suggesting a factor of 4.46±0.09 increase in the average

count rate over the two year period between data sets. ABeppoSAXobservation in

2000 put an upper limit on the X-ray luminosity ofLX(1−10keV)<2.5×1033 erg s−1

(Parmaret al., 2000). As such, the X-ray emission from the source does appear to
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have shown a moderate level of variability over the last few years.

The improved signal to noise has allowed the apparently broad Gaussian, re-

ported by Boirinet al. (2002), to be decomposed into three intrinsically narrow

components, neutral Fe-Kα and Kβ and helium like FeXXV Kα. It is unclear how

both neutral and almost fully ionised iron can co-exist and only seems possible if

the ionised line emission arises from a physically separateregion from the neutral

emission, possibly local to the compact object. This would require the compact

object to be in the same plane as the equatorial outflows of thecompanion star and

seems inconsistent with the X-ray activity of the system. The iron abundance im-

plied by the ratio of the neutral Kα and Kβ line fluxes is just consistent with solar

within errors.

Figure 3.9 shows the current hypothesised geometry for CI Cam proposed by

Thureauet al. (2009), consisting of a binary system well within the torus.If it is

assumed that the high column density originates from the leading (i.e. closest) edge

of the surrounding torus (see Fig. 3.9) then the inclination, i ∼ 67◦, and semi-major

axis, a=19±1.2 AU (Thureauet al., 2009), give a lower limit to the height of the

torus of 8.1±0.5 AU. This is highly dependent on both distance and inclination

angle, neither of which are secure.

The Kα fluorescence line of iron is already considered a powerful diagnostic tool

for probing the central regions of both Galactic black hole candidate systems and

active galactic nuclei (Reynolds and Nowak, 2003). A technique known as rever-

beration mapping involves searching for time dependent changes in the continuum,

emitted by the primary X-ray source, and then looking for theecho, or “reverbera-

tion”, in the emission lines located further out. The relationship between the con-

tinuum light curve and the emission line light curve is characterised by a geometry

dependent “transfer function”. Some idea of the spatial extent of the emission line

region can be achieved by cross-correlating the light curves of the emission line,

L(t + ∆τ), and the continuum,C(t). The function produced will be maximised at

the lag,∆τ, between the emission line and the X-ray continuum. If I assume that all

the neutral iron is located in the torus at radiusr, that the compact object is in the

centre of the torus (i.e. that the semi-major axis of the orbit is negligible compared

to the semi-major axis of the torus) and that the X-ray emission is isotropic, then

the range of lags seen is simply

∆τ =
r
c
(1−cosθ) (3.1)

whereθ is the angle, between the line of sight and the X-rays incident on the torus
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Figure 3.9: Sketch of the proposed geometry for CI Cam. The top figure shows
the cross-section of the torus, whist the bottom figure shows the system asviewed
down the pole. The thicker black ring at radius,r, is the assumed location of the
neutral iron. The central object in this case is the sgB[e] star. The position of the
compact object is believed to be close to the surface of the optical star and thus
lying well within the torus (Barsukovaet al., 2006).

(see Fig 3.9). A more in depth description along with the fundamental principles

and assumptions of reverberation mapping is given by Blandford and McKee (1982)

and Peterson (1993).

There appears to be evidence for an asymmetry in the CCF of iron Kα energy

range with the continuum, however much higher signal to noise data is needed to

confirm this. If I consider the light curve of the Fe-Kα energy range,L(t + ∆τ),

as the sum of two lightcurves,L1(t + ∆τ) representing the line emission andL2(t)

representing the continuum “underneath” the iron line in the same energy range,



76 Chapter 3. Timing and Spectral Analysis of XTE J0421+560/CICam

−40 −20 0 20 40
Lag (ks)

−4•10−5

−2•10−5

0

2•10−5

4•10−5

6•10−5

C
C

F

Figure 3.10: The CCF produced when the un-normalised 7.5-9.0 keV CCF is
subtracted from the un-normalised Fe-Kα CCF.

then the CCF produced can be expressed as the sum of two CCFs:

FCCF(τ) =
∫ ∞

−∞
L(t +∆τ)C(t)dt

=
∫ ∞

−∞
(L1(t +∆τ)+L2(t))C(t)dt

=
∫ ∞

−∞
L1(t +∆τ)C(t)dt+

∫ ∞

−∞
L2(t)C(t)dt (2)

The first component of equation 2 represents theun-normalisedCCF of the pure line

emission (i.e. the CCF is not normalised by the root mean squareof the light curve

in each band) and the second component theun-normalisedCCF of the underlying

continuum. If this asymmetry is real and the continuum behaviour is simple and

well represented by the CCF of the 7.5-9.0 keV light curve with the continuum

(chosen as it is these photons which will be directly promoting the K-shell electrons

into the L-shell), then subtracting the un-normalised 7.5-9.0 keV CCF from the un-

normalised Fe-Kα CCF will leave the CCF of the pure Fe-Kα emission with the

continuum.

Figure 3.10 shows the result of subtracting the un-normalised 7.5-9.0 keV CCF

from the un-normalised Fe-Kα CCF (consistent with the mathematical proof above).
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The poor signal to noise is in part a result of the 0.34 fluorescence yield of iron

(Bambyneket al., 1972); only∼1 in 3 of the incident photons with energies>6.4 keV

will result in a Kα photon. However, there does appear to be a distinct peak at 5-

10 ks.

The most likely values ofτ from equation 3.1 are∼ 0 and∼ 2r, wherer is the

radius of the torus. If the peak is interpreted as the lag at 2r then this would indicate

that the neutral iron is located at a radius of∼10 AU from the centre of the torus.

This result relies on several assumptions and parameters which are by no means

secure. The derived semi-major axis of the orbit (from the period of Barsukovaet al.

2006) depends on the cubed root of total mass of the system. Assuch large changes

in the total mass of the system only produce small alterations in the semi-major axis.

Consider a companion star of mass 50±30 M⊙ and a compact object with a mass

5±5 M⊙ (consistent with observed neutron star and stellar mass black hole mass

estimates), then the semi-major axis is 0.5±0.1 AU. This is a small fraction of the

semi-major axis of the torus and so the approximation that the compact object is at

the centre of torus seems valid. However, in reality the neutral iron is unlikely to

be located in an infinitesimally thin ring in the torus, it seems more likely that there

exists an inner radius at which neutral iron can form. In thiscase a lag would also

have a more complex density dependence than the one that is considered here. Both

these factors will serve to broaden the peak seen at 2r, and so the derived radius is

likely the radius where the neutral iron density is at a maximum.

3.5.1 The nature of CI Cam

A significant obstacle to understanding the nature and behaviour of CI Cam is the

uncertainty in the distance, with estimates ranging from∼ 1.1 kpc (Barsukovaet al.,

2006) to>10 kpc (Robinsonet al., 2002). The consequential uncertainty in the

luminosity impacts on the nature of both the mass donor and the accretor, with the

former authors favouring a B4III-V + white dwarf model and the latter a sgB[e]

star + relativistic accretor (neutron star or black hole). In support of the former

interpretation, Ishidaet al.(2004) infer the presence of a white dwarf from analysis

of theASCAX-ray spectrum. This was fit with an optically thin, thermal hard X-

ray model, characteristic of cataclysmic variables which contain a white dwarf. Our

analysis (Section 3) clearly favours the power law model, with similar parameters

to those reported for the other known sgB[e] HMXB, IGR J16318-4848 (Matt and

Guainazzi, 2003; Barragán et al., 2009), which Filliatre and Chaty (2004) claim

hosts a neutron star based on the ratio of the X-ray and radio flux (though they
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note that the unique environment means they are cautious about applying such a

relationship). The photon index reported is also consistent with those found in

neutron star Be/X-ray binaries by Haberlet al. (0.6-1.4; 2008).

Additionally, Ishidaet al. (2004) favour a rather large distance of 5-17 kpc for

CI Cam, based on the relationship between the peak flux and the decay timescale

of novae. This is significantly in excess of that suggested for such an accretor by

Barsukovaet al. (1.1-1.9 kpc; 2006), a range derived assuming a main sequence

donor star which in turn has been inferred from the widths of the wings of the

photospheric profiles of the high Balmer series. However, the authors note that

the stellar mass implied by their analysis of the orbital period is in excess of that

expected for such a classification. Hyneset al.(2002) caution against this approach

due to significant contamination by the emission spectrum ofthe circumstellar disk.

Support for a larger distance is also provided by an analysisof the optical NaD lines

by Hyneset al.(2002), who infer aminimumdistance of∼ 4 kpc to CI Cam; noting

that this would be inconsistent with the spectral classification of the mass donor by

Barsukovaet al. (2006).

An alternative approach is to employ the (uncontaminated) UV spectrum ob-

tained during quiescence (Robinsonet al. 2002; Hyneset al. 2002). In particular,

the P Cygni profiles observed in the SiIV 1394, 1402̊A and CIV 1549, 1551̊A dou-

blets serve as powerful luminosity (and temperature) diagnostics for OB stars (e.g.

Walbornet al. 1995). Specifically strong P Cygni emission in the SiIV doublet is

unambiguously indicative of an∼05-B1 supergiant, rather than a lower luminosity

star.

3.5.2 Comparison to other B[e] supergiants

To date only two other supergiant B[e] stars have been detected as X-ray sources;

the sgB[e]-XRB IGR J16318-4848 (e.g. Filliatre and Chaty 2004; Chaty and Ra-

houi 2012) and the cluster member Wd1-9 (Skinneret al.2006; Clarket al.2008).

IGR J16318-4848 shows a striking similarity to CI Cam, with a quiescent X-ray

spectra best fitted with an absorbed, truncated power law anda strong Fe-Kα line.

There is no evidence for the ionised iron line in the higher resolutionSuzakudata

of IGR J16318-4848 (Barragán et al., 2009) suggesting that this could be unique

to CI Cam. The X-ray spectrum of Wd1-9 instead demonstrates a spectrum con-

sistent with emission from an optically thin thermal plasma(kT ∼ 2.3keV; Clark

et al. 2008). This is suggestive of emission from a colliding wind binary rather an

accreting binary, consequently this source is not discussed further.
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As discussed in Section 1.4.2.1, uncertainties in the distances to both CI Cam

and IGR J16318-4848 mean that it is difficult to compare quiescent luminosities.

However, results suggest that they appear broadly comparable (to within a factor

of a few) under the assumption that CI Cam is located at∼5 kpc and IGR J16318-

4848 is within the 1.6-4 kpc range favoured by Chaty and Rahoui(2012) (Matt and

Guainazzi 2003, Section 3.3) implying that the quiescent fluxes in both CI Cam

and IGR J16318-4848 arise via a similar mechanism. Both sources have undergone

X-ray “flares” with current temporal sampling suggesting that these events are rare

and aperiodic; only two flares separated by∼ 9 yrs have been associated with IGR

J16318-4848 (1994 and 2003; Courvoisieret al. 2003; Murakamiet al. 2003) and

just the one event in 1998 with CI Cam (noting that photometric observations be-

tween 1989-92 also show no evidence for flaring in this period; Clark et al.2000).

Moreover the peak luminosity also differs between the systems; with Filliatre and

Chaty suggestingLX ∼ 2.6×1036erg s−1 for IGR J163818-4848 (assuming a dis-

tance of 4 kpc) compared toLX ∼ 3×1038erg s−1 for CI Cam (e.g. Hyneset al.

2002).

Both CI Cam and IGR J16318-4848 appear to be rather luminous supergiants,

with comparable bolometric luminosities. Both sources also support a mid-IR ex-

cess attributed to circumstellar gas, although different modeling assumptions (opti-

cally thin/thick emission, spherical or disc geometry and composition) make direct

comparison of the physical properties (e.g. inner radius, dust mass) of the dusty

components difficult. The dust temperature at the inner radius of the envelope ap-

pears rather high in both cases (∼ 767K for IGR J16318-4848 (Chaty and Rahoui,

2012) and∼ 1550K for CI Cam (Thureauet al., 2009)). The geometry of the dusty

envelope has been unambiguously determined for CI Cam by Thureauet al.(2009),

who showed that it resides in a ring or torus with inner radius∼ 8 AU (at 5 kpc). No

conclusions as to the dust geometry in IGR J16318-4848 were drawn by Moonet al.

(2007), although by analogy to other B[e] stars Chaty and Rahoui (2012) adopt a

disc like geometry with inner radius∼ 1 AU/kpc. If the∼19.3 day orbital period

Barsukovaet al. (2006) propose for CI Cam is confirmed, the binary would also lie

interior to the dusty disc mapped by Thureauet al.(2009). Unfortunately no orbital

period is known for IGR J16318-4848.
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3.6 Conclusions

We have presented a detailed analysis of the spectral and timing properties of

XTE J0421+560/CI Cam. The continuum of the spectrum is well described by

a heavily absorbed (NH = (4.4± 0.5)× 1023cm−2) power law with photon index

consistent with those seen in neutron star BeXRBs (Γ = 1.0± 0.2). We also at-

tempted to fit the white dwarf model of Ishidaet al. (2004) but could not achieve

an acceptable fit or sensible model parameters. The apparently broad iron line has

been decomposed into three, intrinsically narrow lines, neutral Fe-Kα and Kβ and

almost completely ionised FeXXV Kα, suggesting multiple emitting regions. The

quiescent spectrum seems to point to a neutron star or black hole accretor, how-

ever this is inconsistent with the X-ray activity of the system. I cannot suggest a

mechanism for the large X-ray flare seen in 1998.

Further observations of XTE J0421+560/CI Cam of increased duration are re-

quired to confirm or refute the presence of the lag suggested in this Chapter. Better

quality data could be used to solve the transfer equation andcould be used to ex-

plore the possibility of a lag between the neutral and ionised Fe-Kα emission, both

of which are beyond the scope of this work. Better constraints on other system

parameters, such as distance, inclination and system mass,would also help to con-

strain the geometry of this unusual system using this method.



“Have you any idea how much damage that bulldozer would

suffer if I just let it roll straight over you?”

”How much?”

”None at all,”

THE HITCHHIKER’ S GUIDE TO THE GALAXY (1979)

4
The Search for High Mass X-ray

Binaries in the Phoenix Dwarf Galaxy

In this Chapter I report on the first X-ray images of the Phoenixdwarf galaxy, taken

with XMM-Newtonin July 2009. This local group dwarf galaxy shares similari-

ties with the Small Magellanic Cloud (SMC) including a burst ofstar formation

∼50 Myr ago. I investigated the possibility of an HMXB population in Phoenix

with the intention of furthering the understanding of the HMXB-star formation rate

relation. The data from the combined European Photon Imaging Cameras (EPIC)

were used to distinguish between different source classes (foreground stars, back-

ground galaxies, AGN and supernova remnants) using EPIC hardness ratios and

correlations with optical and radio catalogues. Of the 81 X-ray sources in the field

of view, six are foreground stars, four are galaxies and one is an AGN. The remain-

ing sources with optical counterparts have log(fX
fopt

) consistent with AGN in the local

universe. There is nothing to suggest the presence of an HMXBpopulation at this

time. The existence of any persistent XRB (i.e. an sgXRB) canbe ruled out, while

the transient nature of the BeXRBs mean that a possible population of these sources

cannot be discounted, but I conclude that it cannot be extensive.

81



82 Chapter 4. The search for HMXBs in Phoenix

4.1 Introduction

The Phoenix dwarf galaxy was discovered in 1976 by Schuster and West who de-

scribed it as a very distant (∼100 kpc) globular cluster. It was later identified as

a dwarf irregular galaxy (dIrr) by Canterna and Flower (1977). These galaxies

are HI rich and show obvious signs of recent star formation. Despite this clas-

sification, Phoenix has characteristics of a dwarf spheroidgalaxy (dSph) and it

has been suggested that it belongs to an intermediate class of galaxy between the

dwarf spheroidal and dwarf irregular, along with three other dwarf galaxies (Pega-

sus, Pisces (LGS3) and Antila). The distance to Phoenix has been determined to be

∼420 kpc using a variety of different methods and data sets (for example see van de

Rydt et al. 1991; Mart́ınez-Delgadoet al. 1999 and, more recently, Menzieset al.

2008) placing Phoenix well within the Local Group.

The HI gas surrounding Phoenix was mapped by Young et al. (1997; 2007)

using the VLA. They identified several regions in the immediate vicinity with a

variety of shapes and velocities. One such cloud, located∼5 arcmin south west of

the main stellar body, has been unequivocally associated with Phoenix based on the

excellent agreement of the radial velocities of the stars, obtained from stellar spectra

(Irwin and Tolstoy, 2002) from the VLT, and the velocity of the HI cloud. Young

et al. (2007) recognise that this offset suggests that Phoenix could offer a unique

opportunity to study the possible mechanisms responsible for gas removal in dwarf

galaxies, transforming a gas-rich dIrr into a gas-poor dSph.

Extensive optical data of the central region of Phoenix alsoexist: the Wide Field

Planetary Camera (WFPC2) onboardHSThas imaged the central field of the galaxy

with both F814W and F555W filters (for example see Holtzmanet al. 2000 and

Hidalgo et al. 2009, hereafter H09). Younget al. (2007) use both of these data

sets to derive separate star formation histories for the eastern and western sides of

Phoenix. They report an asymmetry in the star formation rateacross the face of

the galaxy, in agreement with Martı́nez-Delgadoet al. (1999). The western side of

Phoenix displays evidence for strong episodes of star formation at 180 and 40 Myr

ago whilst the eastern side shows evidence for more continual star formation from

250 to 50 Myr ago. They note that this is consistent with the HI location, offset to the

west of the galaxy’s optical emission. These epochs of star formation are similar

to those for another dIrr galaxy: the SMC (Section 1.5.1). Infact, the Phoenix

dwarf galaxy shares many other common features with the SMC, including its low

metallicity (Z=0.004 for the SMC, Russell and Dopita 1992; Z=0.0015 for Phoenix,

H09).
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Table 4.1: XMM-NewtonEPIC observations of the Phoenix galaxy on July 7, 2009

Camera Filter Read out Observation Exp.

Mode MJD Start End(UT) (ks)

MOS1/2 Medium Full Frame
55019.4

08:13 21:11 46.6

pn Thin1 Full Frame 08:36 21:06 45.0

The relationship between the number of LMXBs and the host galaxy mass was

briefly mentioned in Chapter 1. The low mass Local Group dwarf galaxies like

Phoenix (3.3× 107 M⊙, Mateo 1998), which are not massive enough to harbour

LMXBs, are ideal for probing the HMXB - star formation relation in the low lumi-

nosity limit. The most recent epoch of star formation in Phoenix had a SFR of 2.5±
1.8×10−5 M⊙ yr−1arcmin−2 (Younget al. 2007 compared with 8.1±1.4×10−5

to 1.5±0.6×10−5 M⊙ yr−1arcmin−2 depending on the area of the SMC, Antoniou

et al. 2010). It is only by probing galaxies across a broad spectrumof mass, star

formation history, and chemical composition that astronomers can establish both

trends in the HMXB populations of these galaxies and understand the significance

of these objects as tracers of star formation.

4.2 Observations and Data Reduction

The first X-ray images of the Phoenix dwarf galaxy were taken with XMM-Newton

during the satellite revolution #1754 on July 7, 2009. Table4.1 summarises the

details of the EPIC observations. The data were processed using theXMM-Newton

SAS v9.0 along with software packages from FTOOLS v6.8.

As in the previous Chapters, the MOS and pn observational datafiles were pro-

cessed following the procedure detailed in Section 2.2.2. Periods of high back-

ground activity were screened by removing any times when thesingle pixel pattern

count rate above 10 keV was>0.8 cts s−1 for the MOS detectors and>2.0 cts s−1

for the pn detector. The filtered event files were then split into five energy bands:

(0.2–0.5), (0.5–1.0), (1.0–2.0), (2.0–4.5) and (4.5–12.0) keV to identify and dis-

criminate between hard and soft sources in the field of view. For the pn detector,

only the single (PATTERN=0) pixel event patterns were selected in the range 0.2–

0.5 keV, for all the other bands single and double (PATTERN≤4) pixel events were

accepted. For the MOS, single to quadruple (PATTERN≤12) pixel events were

selected.

Four of the X-ray brightest sources (for exact details on which sources, see Sec-
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tion 4.4) were identified with>500 counts in the full energy range (0.2–12.0 keV)

across all three detectors and were subject to further spectral analysis.Eregionanal-

yse suggested extraction regions with radius∼ 20 arcsec for all 4 sources, thus this

value was adopted for all sources extraction regions. Lightcurves and spectra were

extracted from several background regions (with radius 60 arcsec) and examined to

confirm that they were statistically identical. The same background region was used

for all the MOS spectra, as all the sources fell on the centralCCD. For the pn detec-

tor, regions on neighbouring chips which contained no sources were identified and

again were confirmed to be statistically identical. The spectrum from the closest

region to a source was then used as the background spectrum.

4.2.1 Source Detection withXMM-Newton

Detecting sources in anXMM-Newtondata set involves several stages as detailed

below:

1. Exposure map creation with eexpmap.. Exposure maps contain all the

information on the spatial efficiency of the instruments, which reduces with

increasing off axis angle. This is energy dependent and so isrun on all 15

images (3 detectors, 5 energy bands).

2. Detection mask creation withemask. Detection masks identify the areas

where the source detection need not be performed (e.g. chip gaps and bad

pixels).

3. Sliding box source detection in local mode witheboxdetect. This is run

on all 15 images simultaneously. A 3×3 pixel box is moved across the image

and the total number of counts within the box is calculated. The background

is then taken from a 7×7 box centred on the same pixel, excluding the central

3×3 region. If the net counts are greater than zero, then the detection like-

lihood, L, is given byL = −lnp wherep is the probability that the observed

counts were caused by Poissonian fluctuations. Locations with a detection

likelihood over a user defined threshold value (in this case,10) are consid-

ered sources.

4. Background map creation with espline. This task removes the preliminary

sources located in the previous step from the images. The background map is

then created by fitting spline functions to the image (minus sources).
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Figure 4.1: From top to bottom, the exposure map, detection mask and back-
ground map of the pn image in the 4.5-12.0 keV energy range.
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5. Sliding box source detection in map mode witheboxdetect. As in Step

3, source counts are calculated from a 3×3 (or 5×5) pixel window. How-

ever, rather than calculating the background from the surrounding pixels, it

is now determined from the background map. This improves thedetection

sensitivity.

6. Maximum likelihood fitting with emldetect. This takes the source location

list, created in the previous step, and fits the detector point spread function

(PSF) to the source count distribution, optimising the source centering. The

source position is constrained to be the same for all 15 images.

Examples of an exposure map, detection mask and background map from this ob-

servation are shown in Figure 4.1.

The maximum likelihood fitting yielded 90 sources in the fieldof view, each

with a total detection likelihood larger than 10. This corresponds to a probability of

a source being a spurious detection of∼ 5×10−5 in a single image, and 3×10−6

for the case of simultaneously using 15 images. The PSF of thepn detector is

comparable to the angular size of the pixels (6.6” versus 4.1”). Oversampling the

PSF allows for better discrimination between real sources and any remaining bad

pixels or columns as real sources increase in size with more oversampling. As

such, the data were screened by eye to remove obvious false detections caused by

instrumental effects, resulting in a final list of 81 sources.

To convert source count rates into flux values, the energy conversion factors

(ECFs) from theXMM-NewtonSerendipitous Source catalogue (Watsonet al., 2009)

were used. Whilst these ECFs do assume a spectrum typical for anAGN with low

absorption, Pietschet al. (2004, hereafter P04) show that the ECFs calculated for

a typical supernova remnant (an absorbed 1 keV thin thermal spectrum) and super-

soft source (absorbed 30 eV black body spectrum) in M33 only vary from those

calculated for a typical hard source by about 20% for both EPIC detectors. The flux

values calculated using the ECFs are used in source classification (see Section 4.3)

over a broad energy range (0.2–4.5 keV, bands 1–4) to be consistent with the find-

ings of Maccacaroet al. (1988) and the method of P04. A large deviation from a

power law spectrum would be required for these results to be inadequate over such

a range. The flux values for band 5 are calculated, but are not used in the source

classification.
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Figure 4.2: The top panel shows the cumulative number of matches as a func-
tion of search radius between the LGGS catalogue and the positions of the X-ray
sources (diamonds). The number of matches between the X-ray positions and the
simulated optical catalogue are also plotted (triangles). The solid red line is the dif-
ference between these two values. The bottom panel shows the number ofmatches
between the LGGS catalogue and the boresight corrected X-ray positions, shown
for comparison (squares).

4.3 Source Classification

The positions of the 81 X-ray sources in Phoenix were cross-correlated with the

Local Group Galaxy Survey (LGGS, Masseyet al. 2007) catalogue and the sepa-

ration to the nearest optical match calculated. This was compared with the number

of matches found with a simulated catalogue. The simulated positions were gen-

erated by independently reassigning both the right ascensions and declinations of

all the optical sources. Figure 4.2 shows the results of the correlations as a func-

tion of search radius. The solid line shows the difference between the number of

X-ray sources matched with the real catalogue and the numbermatched with the

simulated catalogue. The radius at which the number of real matches increases at

the same rate as the number of simulated matches, i.e. the radius at which the solid

line plateaus, can be considered as the maximum search radius. At radii greater

than this value, all matches with the real catalogue are false associations. The figure

indicates that this occurs at about 6 arcsec.
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The source classification described in this section was performed in two stages.

The SIMBAD and NED archives and the LGGS and United States Naval Observatory-

B1.0 (USNO B1.0, Monetet al. 2003) catalogues were searched for correlations

around the X-ray source positions. The preliminary classification used a search ra-

dius of up to 6 arcsec for all sources. This was primarily to identify galaxies and

AGN for an astrometric boresight correction. Foreground stars were purposely not

used when performing the boresight correction due to the possibility of proper mo-

tion. The four galaxies and possible AGN listed in section 4.4.2 identified from

the SIMBAD and NED databases were used along with the SAS taskeposcorr to

obtain accurate positions for all the sources. The final boresight correction was

4.7±1.5 arcsec. The bottom panel of Figure 4.2 shows the number ofmatches

between the corrected X-ray positions and the LGGS catalogue for comparison.

The gradient of the curve decreases dramatically after 2 arcsec indicating that the

boresight correction has been successful and that the erroron the X-ray source po-

sitions are dominated by the error the required co-ordinateshift. This error is added

quadratically to the statistical error derived in the source detection. The classifica-

tion was then performed for a second time, using the individual 3σ error circles as

the search radius for each source. Figure 4.3 shows the combined EPIC image in

the 0.2-4.5 keV energy range with HI contours from Younget al. (2007) superim-

posed. Also shown in this figure is the combinedRVBband optical image from the

Local Group Galaxy Survey (LGGS) image (Masseyet al., 2007). The positions

of the sources detected by the analysis are also displayed (the boresight corrected

positions on the optical image, the uncorrected positions on the X-ray image) along

with a unique identification number for each source.

In order to locate any candidate HMXBs in Phoenix, it is necessary to iden-

tify as many of the foreground stars and background sources in the field of view

as possible. Following the method of P04 I attempt to identify or classify all the

X-ray sources in the field of view as either foreground stars (fg stars), AGN, galax-

ies (GAL), Super-soft Sources (SSS), Supernova Remnants (SNR) or hard sources

(which could be HMXBs or unidentified AGN).

P04 use the hardness ratios (HRs) of the sources (both known and unknown)

in M33 to create X-ray colour plots and identify areas corresponding to specific

source classes. The limitations of this method of source classification are dis-

cussed in detail in P04, the main drawback being that sourceswith similar spec-

tra (e.g. foreground stars and supernova remnants; HMXBs and AGN) cannot be

differentiated when the statistics are low. An alternativeto HR classification is

the quantile analysis technique of Honget al. (2004), however this is not suit-
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able forXMM-Newtondata due to the high background. The HRs were defined

asHRi = (Bi+1−Bi)/(Bi+1 +Bi) whereBi is the count rate in energy bandi. The

bands are the same as those used in the source detection: (0.2–0.5), (0.5–1.0), (1.0–

2.0), (2.0–4.5) and (4.5–12.0) keV. To improve the statistics, the counts from all

three EPIC instruments were combined before HRs are calculated. The hydrogen

column density in the direction of M33 is a factor of 4 greaterthan towards Phoenix

(1.5×1021 cm−2 for Phoenix and 6×1021 cm−2 for M33, Dickey and Lockman

1990). Phoenix does not have the considerable X-ray coverage of M33 and so I did

not attempt to derive new HR criteria. Instead I simulated the model spectra used by

P04 to derive their HR criteria, using theXSPEC commandFAKEIT, to confirm that

they are valid for this work despite the different column densities. Modifications

were made where appropriate.

The modified and original P04 criteria used for source classification are sum-

marised in Table 4.2. Where only one set of criteria are presented, no changes have

been made to the original criteria. Where two sets of criteriaare presented, the orig-

inal criteria from P04 are listed underneath the modified criteria in italics. Figure

4.4 shows the X-ray hardness ratio plots for all the X-ray sources in Phoenix.

For sources such as foreground stars, galaxies and AGN, it isthe additional in-

formation at other wavelengths that drives the classification and not the X-ray HRs.

Foreground stars are classified based on the ratio of X-ray tooptical flux, calculated

using their magnitudes given by log( fX
fopt

) = log( fX)+ (mV/2.5)+ 5.37 following

Maccacaroet al. (1988). If V-band magnitude information was not available, the

average of themB andmR values were used in place of themV . The distances to all

but a handful of stars in our own Galaxy are unknown, making itdifficult to assess

the level of extinction for an individual foreground star, regardless of the pointing

direction. As such, no modifications were made to the HR criteria for foreground

stars.

The HR2<0 criterion for a galaxy classification is a constraint applied when an

association was made between a galaxy and one of the X-ray sources. It is primarily

to distinguish between a galaxy without an active nucleus and an AGN with a much

harder spectrum. There is a smooth transition between the two classifications de-

pending on the relative contributions of star formation andthe activity of the central

black hole.

The HR criteria are more important for hard sources, supernova remnants and

super-soft sources, where no other information is used in the classification. Super-

soft sources are generally accepted to be white dwarf systems burning hydrogen on

their surface. Any super-soft sources in Phoenix will reside in the bottom left-hand
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Figure 4.3: Top panel shows the optical Local Group Galaxy Survey (LGGS) im-
age, the bottom panel shows the combined 0.2-4.5 keV EPIC data. HI contours
from Younget al. (2007) are overlaid on both images. The contour levels corre-
spond to column densities(0.5,1,2,3,4,5)×1019 cm−2. The circles are the posi-
tions of the sources detected by the box sliding and maximum likelihood detection
analysis, they are not indicative of the size of the error circles and are illustrative
only.
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Table 4.2: Summary of criteria, identifications and classifications, for more details see text. EHR2 is the error on HR2.

Source Type Selection Criteria Identified Classified
fg star log( fX

fopt
)< -1.0 and HR2<0.3 and HR3<-0.4 or not defined 5 1

SNR HR1>0.1 and HR2<-0.4 and not a fg star
AGN Radio source and classified hard 1
GAL optical id with a galaxy and HR2<0.0 1 3
SSS HR1<-0.2, HR2-EHR2<-0.99 or HR2 not defined, HR3 and HR4 not defined
hard HR2-EHR2>-0.3 or only HR3 and HR4 defined and no other classification 50

HR2-EHR2>-0.2 or only HR3 and HR4 defined and no other classification 48
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corner of the top panel of the HR plots (see Figure 4.4). HRs were calculated for

typical super-soft sources (absorbed 30 eV and 50 eV blackbodies) over a range of

column densities (1019–1021 cm−2) to see how the difference in the column density

to M33 and Phoenix affects the HR values. All the HRs calculated were well within

the original HR limits and so the criteria were left unchanged.

The spectra of supernova remnants are very similar to those of foreground stars.

Following P04, I assumed that all foreground stars have beenidentified from the

correlation with optical data leaving any remaining sources that fit the HR criteria

as supernova remnant candidates. Again, HRs were calculated for typical supernova

remnant spectra (absorbed thermal plasma models with temperatures of 0.5 keV and

1.0 keV) over the same range of column densities as before. All the HRs calculated

were within the original criteria and so the criteria were not modified.

The hard classification is arguably the most important for this work. Sources

classified as hard are believed to be either unidentified AGN or HMXBs, both of

which have absorbed power law spectra. HRs were calculated for an absorbed

power law spectrum over a range of column densities (1019–1021 cm−2) and photon

indices (0.6–3.0). Only the very steepest photon indices (≥2.8) with low absorption

(≤ 2×1020 cm−2) did not fit the hard criterion. Such spectra would imply an AGN

with very low intrinsic absorption. The criterion for hard sources were adjusted so

that all photon indices with galactic absorption or greaterare classified hard.

4.4 Source List

The X-ray hardness ratios of all sources in the field of view are displayed in Figure

4.4. The red squares are the 5 sources that are identified in Section 4.5 for further

analysis. The black diamonds are the other 76 sources in the field of view. The

hardness ratio criteria are also displayed. Only two X-ray sources have a SIMBAD

object within their error circle, five matches were found within the NED database,

35 matches in the LGGS catalogue and a further 3 sources in theUSNO-B1 cata-

logue. The criteria used for source classification are summarised in Table 4.2. It is

important to note that the source classifications suggestedhere should be regarded

as the proposed nature of the source. The original criteria were derived using the

overall properties of large sample populations and not individual sources, conse-

quently some characteristics of subclasses and sources arenot accounted for, such

as the X-ray soft, narrow line Seyfert I galaxies, and rare events like stellar flares. A

source is“identified” if it meets all the criteria for a particular group and is“clas-
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Figure 4.4: X-ray hardness ratios for all sources in the field of view. The regions
marked on the plots show the hardness ratio criteria for the different objects. For
objects such as galaxies and foreground stars, it is the information gainedat other
wavelengths that drives the classification. The errors are not shown for clarity. The
red squares are the five sources discussed in Section 4.5.
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sified” if it meets the majority of the criteria. Nineteen sources remain unclassified.

The source classifications of all the sources in the field of view can be found in

Appendix A.

4.4.1 Foreground stars

Foreground stars are expected to lie in the lower left cornerof the HR3/HR2 plot

(middle panel of Figure 4.4). Of the 38 X-ray sources in the field of view with an

LGGS or USNO counterpart, one source (#14) was positively identified as a star

from the SIMBAD database and another source (#56) from the NOMAD catalogue

(Zachariaset al., 2004). A further two sources (#27 and #99) were identified asstars

based on the optical information available in the LGGS and USNO catalogues.

Sources #78 and #84 both have log(fX
fopt

) indicating a stellar classification, but

only source #78 fits the hardness ratio criteria within errors so is also identified

as a foreground star. Source #84’s HR3 value is greater than the -0.4 required for

classification. The optical counterpart is listed in the NOMAD catalogue as being a

14th magnitude star with colours consistent with being a late K/early M type star.

The ratio of X-ray to optical flux is also consistent with a K orM type star. I have

already stressed in Section 4.3 that for foreground stars, it is the information at other

wavelengths that drives the classification. Despite the fact that the HR3 value does

not fit the criterion, I feel that the strong agreement of the X-ray to optical flux

value and the optical colours warrants a stellar classification. As such source #84 is

classified as a foreground star.

4.4.2 Galaxies and AGN

The X-ray spectrum of a galaxy without an active nucleus is softer than that of

a galaxy with an AGN, and so will reside in the lower and left hand side of the

HR1/HR2 and HR2/HR3 plots in Figure 4.4. Cross correlation with the SIMBAD

database identified one source, #39, with a known galaxy in the field of view just

outside the HI cloud. This corresponds to SUMSSJ015027.5-442537 at z=0.13.

Four more X-ray sources (#10, #31, #43 and #60) have NED objects in their error

circles. #10, #31, and #60 all fit the X-ray HR criteria for galaxies. #43 is not a

galaxy, but listed as an unclassified extragalactic candidate within NED, detected in

the radio band. The X-ray source just fits the criteria for a hard source and as such,

#43 is classified as an AGN.
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4.4.3 Super-soft Sources and Supernova Remnants

The area of Figure 4.4 where the super-soft sources should reside (bottom left-hand

corner of the top panel) is remarkably empty. I do not identify or classify any

sources as super-soft sources in the field of view. Supernovaremnants are expected

to fall in the area of the same plot marked SNR. Only two sources fit these HR

criteria. They are #14 and #27, two identified foreground stars. As I am confident

in the assessment of these sources, I don’t find evidence for any SNR in the data.

4.4.4 Extended sources

Five sources were found to have some measurable extent, these were #36, #41, #81,

#91 and #101. With the exception of source #41, these sourcesare all found on

the edge of the field of view and close to a pn chip border. It is more likely that

the elongation of the off-axis point spread function (PSF) is not well accounted for

at these locations. #41 is in very close proximity to #39, thegalaxy identified in

the SIMBAD database and discussed in Section 4.4.2. The source has an extent

of 5.7±0.2 pixels, which corresponds to 23.4 arcsec on the sky, greater than the

separation of #41 and #39 (around∼19 arcsec). Along with #39, #41 appears to be

embedded within a single extended source in the X-ray image.It is likely that these

two sources are in fact part of one extended source.

4.5 HMXB candidates

Of the 81 sources in the field of view, only one source, #48, is coincident with the

optical emission of the galaxy. Interestingly some of the brightest sources in the

field of view are offset from the optical emission and spatially coincident with the

HI region. Eleven sources (#34, #35, #48, #52, #54, #56, #58, #61, #62, #66 and

#68) lie within the lowest HI contour shown in Figure 4.3. The recent bursts of star

formation in the western side of the galaxy means that the location of these sources

is compatible with a possible HMXB population. Source #56 isthe only identified

source in this list. Five sources (#34, #35, #52, #61 and #68)have appreciable X-ray

emission above 2 keV (with flux values> 8×10−15 erg cm−2 s−1) and occupy an

area of<40 square arcminutes. Their HRs are shown by red squares in Figure 4.4.

Synthesis models of the cosmic X-ray background by Treisterand Urry (2006) and

Gilli et al.(2007) suggest that∼ 2.3+1.2
−1.9 background sources will be detected in this

energy range and in an area this size. The errors stated are the 90% confidence lim-
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its. Whilst five is not an obvious excess over the predicted background numbers, I

feel these sources warrant further investigation, particularly as the expected number

of HMXBs in Phoenix is small.

Temporal and further spectral analysis are required to distinguish between HMXBs

and as yet unidentified AGN. No other X-ray data are availablefor Phoenix, so

I cannot draw comparisons between my results and past observations, but power

spectra created from the entire (non GTI filtered) light curves for all five of these

sources showed no evidence for pulsations.One thousand fake pulsar lightcurves

were generated by adding a sinusoid with a period of 100 s to a constant equal to

the background subtracted count rate of the brightest source. The light curves have

an amplitude corresponding to a pulsed fraction of 0.3 (the typical value quoted for

HMXBs in the SMC, Coeet al. 2010). Random noise was added to every point

in the light curve using the IDL programpoidev1, ensuring that the total number

of counts in the light curve was conserved. The simulated light curves were then

binned with the same bin time as the real light curves. When Lomb-Scargle analysis

was performed, only 46 of the 1000 light curves resulted in a significant detection

(a 5σ detection according to the formula of Horne and Baliunas 1986). An unreal-

istically high pulsed fraction of 0.6 is required to consistently produce a significant

result at 100s with a count rate equal to that of the brightestHMXB candidate. Thus

it can be concluded that these observations do not have the sensitivity to detect pul-

sations from a typical pulsar in Phoenix using this method.

EPIC spectra were extracted between 200 eV and 10 keV for the five sources

listed above and were fit with an absorbed powerlaw (phabs*vphabs*powerlaw)

model. Thephabscomponent is fixed at 1.5×1020 cm−2 (Dickey and Lockman,

1990) for galactic foreground absorption with elemental abundances from Wilms

et al. (2000). Thevphabscomponent accounts for absorption in Phoenix and is

a free parameter with metal abundances reduced to 0.075, calculated from values

given in H09. Throughout the investigation XSPEC version 12.6.0 was used. Table

4.3 contains the best fit parameters with 90% confidence errors.

As discussed in Section 1.5.3, the spectral distribution ofBeXRBs in the SMC

is consistent with that of the Milky Way, despite the very different environment.

Thus it seems reasonable to assume that any BeXRB in Phoenix will fall in the

same range of spectral classes (O9V-B2V). Taking theMV magnitudes from the

stellar flux library of Pickles (1998) and scaling them with the distance to Phoenix

predictsV-band magnitudes in the range 18.7-21.2. These values include anAV

1http://idlastro.gsfc.nasa.gov/ftp/pro/math/poidev.pro
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extinction value of 0.062 mags (H09). The distance modulus to Phoenix, 23.1, has

an error of±0.1 (H09) which leads to the same error on the magnitudes calculated

for BeXRBs in Phoenix. Similarly, if it is assumed that any sgXRB present will also

fall into the same range of spectral classes as those alreadydiscovered in our own

galaxy and beyond (O8.5I-B3I; Liuet al.2006) and scale to the distance of Phoenix,

they will haveV-band magnitudes in the range 16.1-16.7±0.1. When searching for

HMXB candidates in the SMC, Shtykovskiy and Gilfanov (2005) required that the

optical colours of the companion star wereB−V<0.20. I adopt the same criteria

for this work, but take into account the different levels of extinction between the

SMC and Phoenix (Rieke and Lebofsky, 1985). This leads to theconstraint that

B−V<0.14 for any optical counterparts.

Black hole X-ray binaries can exist in several states, the high/soft state, the

low/hard state and the quiescent state (which can be considered to be a special

case of the low/hard state; Konget al. 2002). The mass of Phoenix is too low

for an LMXB population, but no such restriction applies to the high mass black

hole systems. The observations are not deep enough to see anyquiescent black

hole binaries in Phoenix, which would have a flux of about∼ 5×10−17 erg cm−2

s−1(Lewin and van der Klis, 2006). The luminosity of the high/soft state is typ-

ically seen around 10% of the Eddington luminosity (Nowak, 1995), for a 6M⊙
black hole at the distance of Phoenix, this is∼ 8×1037 erg s−1 corresponding to

a flux of∼ 4×10−12 erg cm−2 s−1. This is an order of magnitude brighter than

even the brightest source in the field of view. Consquently, any black hole binaries

present in the data set must be in the low/hard state, which ischaractised by a power

law spectrum with a photon index∼1.7 and a luminosity around∼2% Eddington or

less (Lewin and van der Klis, 2006; Maccarone, 2003). In the X-ray band, BeXRBs

typically have photon indices of≤1.4 (see Section 1.4.3).

4.5.1 Source #34

Source #34 is one of the two spectra with lower signal and as such the parameters

for the model fit are not well constrained. The photon index of1.9+0.4
−0.3 rules out the

possibility that #34 is a BeXRB but is consistent with a blackhole XRB in Phoenix.

The large uncertainty in the parameters and the relatively poor fit means that this

should be treated with caution. The optical counterpart is too faint and red for an

early type star (mV=21.5,B−V=0.23). Source #34 is most likely an AGN.
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Figure 4.5: X-ray spectra of four of the sources in the HI region and their best fit
models.

4.5.2 Source #35

The X-ray spectrum of source #35 suffers from the same low signal problems as

#34. The photon index (1.6+0.3
−0.2) is just consistent with that of a neutron star in a

BeXRB but comfortably within the range of indices seen for black hole binaries and

AGN. The optical counterpart hasmV consistent with a B-type star in Phoenix, but

is well outside the acceptable colour range. as with #34, #35is probably an AGN.

4.5.3 Source #52

The photon index of #52 (2.1±0.1) is too soft for even a black hole XRB, and so

source #52 is almost certainly an AGN. The optical information for this source sup-

ports this as again, it is far too red for an early type star in Phoenix (B−V=0.21±0.01).

4.5.4 Source #61

Source #61 has the greatest X-ray to optical luminosity ratio of the sample and the

second greatest in the entire field of view (source #28 has a slightly greater log(fXfopt
)

value, but is located further from the optical centre of Phoenix and on the eastern
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Table 4.3: Properties of the sources detected in the HI region. Fluxes are from the model fits in the 0.2–10 keV energy range. For #68,
this information isn’t available and so the 0.2–12.0 keV flux from the source detection is reported. Ratio of X-ray to optical value has been
calculated following the method of Maccacaroet al. (1988) using the flux values from the model fit where possible.

ID
RA Dec err1σ HR1 HR2 HR3 HR4

J2000 J2000 arcsec

35 01:50:41.0 -44:24:32.9 1.5 0.11±0.06 0.02±0.06 -0.17±0.06 -0.30±0.09
68 01:50:45.2 -44:30:34.7 1.6 0.0±0.1 0.17±0.09 -0.3±0.1 0.46±0.09
52 01:50:47.2 -44:27:44.2 1.5 0.09±0.03 0.00±0.03 -0.43±0.03 -0.34±0.06
61 01:50:51.8 -44:29:38.4 1.5 0.07±0.05 0.13±0.04 -0.29±0.05 -0.7±0.1
34 01:51:00.5 -44:24:29.7 1.6 0.00±0.09 0.09±0.08 -0.4±0.1 0.2±0.2

NH Γ Flux χ2
r /d.o.f mV B-V log( fX

fopt
)

1020 cm−2 erg cm−2 s−1

35 0+82 1.6+0.3
−0.2 1.9×10−14 0.84/15 19.93±0.01 0.44±0.01 -0.38

68 6.3±0.7×10−14 21.22±0.02 0.28±0.02 -0.12

52 5.2+5.2
−3.7 2.1±0.1 6.5×10−14 1.21/54 19.49±0.01 0.21±0.01 -0.14

61 5.212.6
−5.2 1.8±0.2 3.8×10−14 0.63/28 21.63±0.02 0.51±0.04 0.42

34 0+13 1.9+0.4
−0.3 1.2×10−14 1.58/16 21.47±0.02 0.23±0.04 -0.12
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side of the galaxy). The photon index (1.8±0.2) is consistent with a black hole XRB

in Phoenix (though also consistent with an AGN). Its opticalcounterpart is too faint

and red for an early type star (mV=21.6,B−V=0.51). Source #61 is again probably

an AGN.

4.5.5 Source #68

Source #68 is an unfortunately placed X-ray source, fallingon a bad column on

the EPIC-pn detector and near a chip border in both MOS detectors. The total

number of counts for this source was not sufficient to extracta spectrum and so few

conclusions can be drawn. The optical counterpart has brightness, but not colours,

consistent with an HMXB in Phoenix (mV=21.2,B−V=0.28) and the 0.2–12.0 keV

flux value derived from the source detection (6.3×10−14 erg cm−2 s−1) suggests a

luminosity of 1×1036 erg s−1 (assuming #68 is associated with Phoenix). However

this flux value should be interpreted with care as detector edge effects may introduce

an additional uncertainty that cannot be accounted for. Source #68 is also probably

an AGN.

4.6 Other sources associated with Phoenix

Interestingly, only one source in our field, #48, is coincident with the most obvious

optical emission of the Phoenix dwarf galaxy. Massive blackholes have been dis-

covered in nearby dwarf galaxies (for example see van Wassenhoveet al.2010) and

the location of the source, close to what appears to be the centre of the galaxy, led

me to consider the source as a possible massive black hole candidate. Although ra-

dial velocities have been measured for a handful of stars in Phoenix (Gallartet al.,

2001; Irwin and Tolstoy, 2002) no information on the location of the dynamical

centre is available.

An estimate of the position of the galaxy centre has been obtained by maximising

the number of LGGS sources within a circular region when the centre and size of

the region is varied, following the method of Dieballet al. (2010). The uncertain-

ties are estimated via a bootstrapping method. One thousandartificial catalogues

were created by sampling with replacement from the originalLGGS catalogue. The

centre was then estimated for each of these artificial catalogues using the same

method detailed above. The error on our position is taken to be the standard de-

viation of these centre estimates. The final result was obtained using a circular

region with a 150 pixel (40.5 arcsec) radius, but experiments with other region sizes
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produced consistent results. The galaxy centre was put at RA=01h51m8.2s±6.1”,

Dec=-44◦26’55.9”±7.6”. This position should be treated with caution as the LGGS

catalogue is by no means complete.

Source #48 is situated 40 arcsec away from the centre position with a position

error of 1.7 arcsec. This mis-match in positions suggests that source #48 is unlikely

to be a massive black hole located at the centre of the Phoenixgalaxy. The source

hardness ratios are also not consistent with a black hole/AGN in Phoenix. However,

the errors on all these values are large and better X-ray and optical data are needed

before drawing any firm conclusions about this source.

4.7 Discussion

Of the 81 X-ray sources detected in theXMM-Newtonfield of view, six have been

categorised as foreground stars, four as background galaxies and one as a possible

AGN. The majority of the remaining sources in the field of viewwith optical coun-

terparts have log(fXfopt
) values between -1 and 1, typical of local AGNs and high star

forming galaxies (Hornschemeieret al., 2001). Source #96 has the greatest log(fX
fopt

)

value at 1.13, putting it at the very X-ray brightest end of these objects and a possi-

ble BL Lac candidate. Further analysis of 5 potential HMXB candidates in the field

of view suggests they are all AGN.

There is no evidence for any black hole binaries in Phoenix. The mass of Phoenix

is too low for us to expect any LMXBs, so any black hole binaries present would

be expected to be high mass black hole X-ray binaries, in the low/hard state. The

expected ratio of BeXRBs with neutron stars to black holes inthe Galaxy is rela-

tively high (see Section 1.4.1). Thus far, not a single BeXRBhas been found to

host a black hole. This leaves only black hole supergiant systems. These systems

are a small fraction of the total HMXB population in our own Galaxy and are not

found at all in the SMC (e.g. Coeet al. 2009). If the population of HMXBs is as

small as predicted, the presence of a black hole supergiant HMXB in Phoenix seems

unlikely.

If these sources are spectroscopically confirmed to be AGN, their position behind

the gas cloud and their magnitude will make them an excellenttool to further probe

the metallicity of this region using the NaID and CaIIK lines (for e.g. see van Loon

et al.2009). Accurate measurements of the Na and Ca column density across these

sources could tell us more about the gas cloud and may even reveal inhomogeneities

in the chemical composition across the region.
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BeXRBs in the SMC are found in regions where a burst of star formation oc-

curred∼25-60 Myr ago. As such the five X-ray sources identified offsetto the

west main stellar body, where a strong episode of star formation took place around

∼40 Myr ago, were good BeXRB candidates. However, none of these sources dis-

play all the X-ray and optical characteristics of a BeXRB. The strongest evidence

for a neutron star is periodic modulation of the X-ray flux. Wedo not have the

required sensitivity to detect this in the data but this condition is sufficient, not nec-

essary, for proof of a neutron star’s existence.

In general, BeXRBs are by far the most numerous subclass of HMXBs (Section

1.4.1) and so have the greatest likelihood of existence in Phoenix. However, as

sgXRBs hosting neutron stars are persistent sources of X-rays, we may have a better

chance of seeing them in a single epoch. The lack of evidence for any supergiant

binaries, with either a black hole or a neutron star secondary, would strongly suggest

that they do not exist in Phoenix. This is in line with currentpredictions based on

star formation rate (Section 1.5.2) and is further evidencein support of this relation.

The transient nature of BeXRBs means there is a possibility that a greater population

exists than is hinted at here. From our regular observationsof the SMC over a 10 yr

interval, we find that BeXRBs are in outburst for around∼10% of an orbital period

and are active, on average, for∼20% of the time (Galacheet al., 2008; McGowan

et al., 2008). It follows that the probability of seeing a particular BeXRB active

at any one moment is about∼2%. Should the number of BeXRBs in Phoenix be

limited to just 1–2 systems, then the probability of seeing just one system active at

any moment in time is<10%. Further observations of the Phoenix dwarf galaxy

could yet reveal a HMXB population.
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is in theory possible to extrapolate the whole of creation

every sun, every planet, their orbits, their composition and

their economic and social history from, say, one small piece

of fairy cake.

THE HITCHHIKER’ S GUIDE TO THE GALAXY (1979)

5
The SMC BeXRBs as probes of

Neutron Star Formation Channels

In this Chapter I will discuss another project, started as part of my PhD, as a follow

up paper to Kniggeet al. (2011). The authors of this paper demonstrated that the

SMC BeXRBs can be split into two sub populations based on their pulse periods.

This bi-modality is even more significant when we consider the SMC, LMC and

MW BeXRB systems together. They interpret these two populations as evidence

for the two main formation channels of neutron star, iron core collapse supernovae

and electron capture supernovae which, until now, have beenthought to produce

almost indistinguishable compact objects. Here we report on our attempts to find

further evidence for the two channels of neutron star formation. Much of the work

has been done in consultation with Prof. Christian Knigge.

5.1 Introduction

When studying HMXBs in detail, one has to look to the galactic population or those

of our closest neighbours, the LMC and SMC. The HMXBs in the SMCare ideal

for population studies: they do not suffer from the large distance uncertainties that

103
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Figure 5.1: Galactic distribution of HMXBs with known distances (filled trian-
gles) and the locations of OB associations. HMXBs whose distances are not known
have been placed at 7.6 kpc (empty triangles). The shaded histogram represents
the number of HMXBs in each 15◦ bin of galactic longitude as viewed from the
Sun. Taken from Bodagheeet al. (2012)

plague the galactic population, are all believed to be formed in one star formation

episode, and so are all roughly the same age, and exist in verysimilar environments

within the SMC. With the exception of SMC X-1, all the HMXBs in the SMC are

BeXRBs. The low mass of the SMC means that the predicted number of LMXBs

is small (0-1). As mentioned in Section 1.4.1, the ratio of Be/black hole binaries

to Be/neutron star binaries is such that we would expect≤ 1 system in the SMC.

As such the sample of neutron stars has very little risk of contamination, this is dis-

cussed further in Section 5.1.1. The small angular size of the SMC (∼ 2×2 degree)

means that this large, homogeneous population of BeXRBs canbe observed with

relative ease.

It has long been thought that most neutron stars in the universe are formed by
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two particular types of core-collapse supernovae, iron-core collapse supernovae or

electron-capture supernovae. In the first case, a high-massstar’s iron core exceeds

the Chandrasekhar limit. In the second case, a lower mass oxygen-neon-magnesium

core collapses due to a loss of pressure support caused by a sudden capture of elec-

trons by the neon and/or magnesium nuclei in the core. However, the neutron stars

produced by these two different channels are practically indistinguishable. The neu-

tron stars produced by electron capture supernovae should be slightly less massive

(<1.3 M⊙ compared with∼1.4 M⊙ for iron core collapse supernovae, Nomoto

1984) and will receive a smaller supernova kick velocity (vkick ≃ 50 km s−1 versus

vkick ≃ 200 km s−1). The aim of this project was to investigate if there was any fur-

ther evidence for these two different formation channels inthe physical parameters

in any of the SMC BeXRBs.

5.1.1 The Data Set

Table 5.1 gives the positions of the the SMC X-ray Pulsars (SXPs) used in this work.

Only pulsars with secure pulse periods were selected to avoid any contamination

with potential Be/White Dwarf systems and to guarantee that all sources are indeed

neutron stars. These are the same sources used by Kniggeet al. (2011), compiled

by Prof. Malcolm Coe. The sources are either spectroscopically or photometrically

confirmed, i.e. have an emission line star in their X-ray error circle with colours

consistent with those of an early type star. This includes the sample used by Coe

et al.(2005) with the exception of SXP0.92 and SXP8.02 which are now thought to

be spurious.

5.2 BeXRB-Cluster separation

Early type main sequence stars are not uniformly distributed on the sky, instead they

are loosely concentrated in groups, known as “associations” (Blaauw, 1964). The

clustering between HMXBs and OB associations has been well established (e.g.

Bodagheeet al. 2012, see Figure 5.1). Coeet al. (2005) assume that the closest

stellar cluster to a BeXRB in the SMC is the natal cluster (i.e. the birthplace of the

BeXRB) and use the BeXRB-cluster separations to constrain the kick velocity. If

this assumption is correct and the distribution of kick velocities is indeed bimodal,

then this should be reflected in the separation of the BeXRBs from the closest clus-

ter. The positions of the BeXRBs in Table 5.1 were compared with those of the
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Table 5.1: Summary of SXPs used in this work and Kniggeet al. (2011)

SXP ID RA Dec
Pspin Porb Spectroscopically

s days confirmed?

SXP2.37 00:54:34 -73:41:03 2.37 18.62 YES

SXP2.76 00:59:12.8 -71:38:44 2.76 82.1

SXP3.34 01:05:02 -72:11:00 3.34 10.72 YES

SXP4.78 00:52:19 -72:19:48 4.78

SXP6.62 00:54:46 -72:25:23 6.62

SXP6.85 01:01:24 -72:43:30 6.85 22 YES

SXP6.88 00:54:46.2 -72:25:23 6.88 2.71

SXP7.78 00:52:07.7 -72:25:43.70 7.78 44.8 YES

SXP7.92 01:01:56 -72:32:36 7.92 36

SXP8.80 00:51:52 -72:31:52 8.9 33.4 YES

SXP9.13 00:49:13.6 -73:11:39 9.13 40.1 YES

SXP11.5 01:04:41.4 -72:54:04.60 11.48 36.3 YES

SXP11.9 00:48:13.9 -73:22:03.50 11.89

SXP15.3 00:52:15.3 -73:19:14 15.3 75.1 YES

SXP18.3 00:49:11.4 -72:49:39 18.37 17.2

SXP22.1 01:17:40.5 -73:30:52 22.07 YES

SXP25.5 00:48:14.1 -73:10:04 25.55 YES

SXP31.0 01:11:09 -73:16:46 31 90.4 YES

SXP46.6 00:53:53.8 -72:26:35 46.6 137.4 YES

SXP59.0 00:54:57.4 -72:26:40.30 58.95 122 YES

SXP65.8 01:07:12.6 -72:35:33.80 65.8 111 YES

SXP74.7 00:49:04.6 -72:50:53 74.8 33.3 YES

SXP82.4 00:52:09 -72:38:03 82.4 362 YES

SXP85.4 00:57:12 -72:18:00 85.4

SXP91.1 00:50:55 -72:13:38 91.1 88 YES

SXP138 00:53:23.8 -72:27:15 138 125 YES

SXP140 00:56:05.2 -72:22:00 140.1 197 YES

SXP152 00:57:50.3 -72:07:56 152.1 YES

SXP169 00:52:54 -71:58:08 169.3 68.6 YES

SXP172 00:51:50 -73:10:40 172.4 70.4 YES

SXP202A 00:59:20.8 -72:23:17 202 YES

SXP202B 00:59:29 -72:37:03 202 229.9

SXP214 00:50:11 -73:00:26 214 YES

SXP264 00:47:23.7 -73:12:27 263.6 49.2 YES
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SXP
RA Dec

Pspin Porb Spectroscopically

ID s days confirmed?

SXP280 00:57:48 -72:02:40 280.4 127.3 YES

SXP293 00:58:12.64 -72:30:48 293 59.7 YES

SXP304 01:01:01.70 -72:07:02 304.5 520 YES

SXP323 00:50:44.8 -73:16:06 323.2 YES

SXP327 00:52:52.5 -72:17:14.90 327 45.99 YES

SXP342 00:54:03.8 -72:26:32 342

SXP348 01:03:13 -72:09:18 349.9 93.9 YES

SXP455 01:01:20.5 -72:11:18 452 75 YES

SXP504 00:54:55.6 -72:45:10 503 269 YES

SXP565 00:57:36.2 -72:19:34 564.8 95

SXP645 00:55:35.2 -72:29:06 645

SXP701 00:55:17.9 -72:38:53 702 412 YES

SXP726 01:05:55.3 -72:03:50.20 726

SXP756 00:49:42.1 -73:23:14.10 755.5 394 YES

SXP892 00:49:29.7 -73:10:58 892.8 YES

SXP967 01:02:06.7 -71:41:15.80 967 YES

SXP1323 01:03:37.5 -72:01:33 1323 YES

Figure 5.2: Position of the SXPs and star clusters from Bica and Dutra (2000).
The envelope indicates the area defined for the random points.
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Figure 5.3: From top to bottom, histograms of the BeXRB-closest cluster separa-
tion and the random points-cluster separation respectively. The brokenlines marks
the mean of each distribution

∼600 star clusters in the SMC from Bica and Dutra (2000) and theprojected dis-

tance to the nearest cluster calculated.

Approximately 500,000 random points were generated withinthe SMC by defin-

ing an area centred on, but larger than, the SMC (∼70 deg2) and then restricting the

maximum distance a point could be from a star cluster to<15 arcmin. This not

only allows the whole of the SMC to be evenly sampled but also greatly reduces the

chance of any artificial result due to the coverage of the catalogue (i.e. because a

significant fraction on the random points are generated outside the coverage of the

survey). Figure 5.2 shows the positions of the star cluster and SXPs along with the

region that the random points occupy (enclosed by the solid black line).

Figure 5.3 shows the distribution of the separations for both the real and simu-

lated sources. The average separation between a BeXRB and a star cluster is 2.6’

compared with 5.9’ for the random points. A KS test performedon the separations

of the two samples calculated that the probability that bothsets of sources are drawn

from the same distribution is 2.4×10−9%. This is just less than a 6σ significance.

However this test may over emphasise the significance of the clustering, as the

random positions may not fairly reflect the spatial distribution of the BeXRBs in

the SMC. To confirm the result, we shifted the BeXRBs by an amount Dcrit in the
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Figure 5.4: Two theoretical distributions of neutron star kick velocities from Pfahl
et al. (2002) and Arzoumanianet al. (2002). Top panel shows the probability dis-
tribution function (PDF), bottom panel shows the cumulative distribution function
(CDF). Broken lines shows the velocities at which the CDFs equal 0.9973.

negative right ascension (RA), positive right ascension, negative declination (dec)

and positive dec in turn, calculated the distance to the closest clusters and compared

these results to those of the real data set. The choice ofDcrit is non trivial: the shift

needs to be big enough to destroy any real associations but small enough to keep

the SXPs in their local environment. A shift of 2 degrees would certainly satisfy the

first criteria, but would shift most of the SXPs out of the SMC. Similarly, a shift of

2 arcmins would keep the SXPs in their local environment, butis unlikely to destroy

all the real associations.

To defineDcrit I estimated the maximum distance a BeXRB in the SMC could

travel from its natal cluster. To do this I used the bimodal kick velocity distributions

of Pfahlet al. (2002) and Arzoumanianet al. (2002), shown in Figure 5.4 and the

spectral distribution of BeXRBs in the SMC from McBrideet al. (2008). I took the

value ofvkick to be that which is greater than 99.73% of the cumulative distribution

function (CDF). This would suggest that only 3 in 1000 BeXRBs should experience

a kick greater than this value, since the sample contains only 51 sources, I am

confident that no BeXRB in the SMC should have experienced a kick greater than

this. This gavevkick values of 732 km s−1 and 1807 km s−1 for the Pfahlet al.
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Figure 5.5: Mass distribution of the optical counterpart to the SXPs. Points show
the data from McBrideet al.(2008). The solid line shows the Gaussian distribution
fit to the data. The broken line marks the maximum mass of an optical counterpart
in the simulation (see Section 5.2.1).

(2002) and Arzoumanianet al. (2002) distributions respectively.

Using the logL
L⊙

values of main sequence stars from de Jager and Nieuwenhui-

jzen (1987), the relationship

L
L⊙

=

(

M
M⊙

)3.5

(5.1)

and the spectral distribution of SXPs reported by McBrideet al. (2008), I produced

a mass distribution for the spectral counterparts, shown inFigure 5.5 . This was fit

with a Gaussian using the IDL routinegaussfit.pro1 with a mean value 16.96 M⊙

and standard deviation 4.35 M⊙. Adopting an average counterpart mass of 17M⊙,

a neutron star mass 1.4 M⊙ and conserving momentum gives system velocities,vsys

of 55.7 km s−1 and 137.5 km s−1 for the two distributions respectively.

The most massive optical counterparts of the SXPs have spectral type O9.5V and

so a mass∼ 23 M⊙. The nuclear timescale of a star, defined as the time it would

1http://www.solar.ifa.hawaii.edu/Tropical/Bin/tropical idl/usr/local/lib/idl/lib/gaussfit.pro
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take the star to exhaust its nuclear fuel reserve based on itscurrent consumption, is

τnuc ∝
M
L

= 1010
(

M
M⊙

)−2.5

yr (5.2)

substituting Equation 5.1 forL. This gives a stellar lifetime ofτnuc ∼ 4 Myr for

an O9.5V star. If we assume that all the BeXRBs in the SMC were formed at the

same time,τ ≃ 4 Myr ago, thenDcrit = τvsys. This givesmaximumshift values of

13 arcmin and 32 arcmin for the Pfahlet al. (2002) and Arzoumanianet al. (2002)

kick velocity distributions respectively (assuming the distance to the SMC is 61 kpc,

Hilditch et al.2005).

The separations of the new, shifted sources to the closest cluster were calculated

and compared with those of the unshifted (i.e. real) sources. The significance of the

shifts were, again, calculated with the KS test. The resultswere highly dependent

on both the direction and the value ofDcrit used. For example, the KS test gave a

probability that the separations of the sources shifted by 13 arcmin in the positive

RA direction were drawn from the same distribution as the real sources of 85%. The

sources shifted by the same amount in the negative dec direction only had a 0.001%

probability of being drawn from the same distribution. WhenDcrit was increased

to 32 arcmin, the probabilities for these shifts became 0.05% and 16% respectively.

This implies that the spatial distribution of the stellar clusters in the SMC is highly

structured.

Figure 5.6 shows the distribution of the cluster-cluster separations. Whilst the

average cluster-cluster separation is similar to that of the average SXP-cluster sep-

aration (3.3 arcmin compared to 2.6 arcmin), the distribution peaks at a smaller

separation. This, along with the results discussed above, suggests that the aver-

age value of the separation distribution does not reflect thecharacteristic distance

scale. When the shape of the separation distributions are also considered, it be-

comes apparent that the spatial structure of the clusters has a shorter characteristic

distance than that of the BeXRB-cluster separations and that the assumption that

the closest cluster to a BeXRB is its natal cluster is almost certainly incorrect. This

in turn implies that a bimodalvkick distribution may not leave any signature on the

BeXRB-cluster separation distribution.

This indeed seems to be the case: Figure 5.7 shows the plot of BeXRB cluster

separation againstPspin. Figure 1.20 suggests that the break between the long and
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Figure 5.6: Histograms of the cluster-cluster separation. The broken line marks
the mean of the distribution.
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Figure 5.7: Plot of BeXRB cluster separation againstPspin, the break between the
long and short period BeXRBsPspin = 40 s is marked by the broken line
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Figure 5.8: Schematic of the simulation. After a timeτ, the simulated HMXB has
spherical co-ordinates (vsysτ,θ ,φ ) with respect to the natal cluster.

short spin period systems occurs at∼40 s. A KS test yields a probability that the

separations of these two sub groups are drawn from the same distribution of 82%.

5.2.1 Simulation

Whilst I have shown that it is not possible to obtain any information about the

underlyingvkick velocity from the separations of the BeXRBs from the clusters,

it may yet be possible to recreate the distribution of the SMCBeXRBs from a given

vkick distribution. I have written a simulation that attempts to do this. Uniformly

distributed random numbers are generated to determine:

• a cluster from the Bica and Dutra (2000) catalogue

• a mass from the the distribution shown in Fig. 5.5

• a kick velocity from the Pfahlet al. (2002) distribution shown in Fig. 5.4

• two angles,θ andφ (see Fig. 5.8)

We again assume that all the sources were created in one eventτ = 4 Myr ago.

The lifetime of the counterpart selected is calculated using Equation 5.2, if it is less
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thanτ (i.e. earlier than spectral type O9V) it is removed from the sample. The

mass at which this occurs is shown as a broken line in Figure 5.5. The distribution

is truncated at 5M⊙ (spectral type B3) to keep the simulated BeXRBs consistent

with the observed spectral distribution seen. Momentum is then conserved to find

the correspondingvsysfor a givenvkick and assuming a neutron star mass of 1.4 M⊙.

The position of a simulated source after a timeτ is then given by the spherical

co-ordinates, centered on the random cluster selected as its natal cluster with radius

vsysτ (see Fig. 5.8. To ensure even coverage this sphere, the angles θ andφ cannot

be drawn from uniform distributions themselves as this leads to bunching around

the poles. Instead the variatesu andν (which can take any value between 0 and 1)

are used to calculateθ andφ .

θ = 2πu

φ = cos−1(2ν −1)

The 3 dimensional position of the simulated source is then converted into sky co-

ordinates RA and dec. The distance to the closest cluster is calculated for the sim-

ulated sources and then compared with the the cluster-BeXRBseparation distribu-

tion.

5.2.1.1 Work to be Done and Preliminary Results

Currently the simulation does not take into account any effects binarity may have on

these systems: it assumes that all the BeXRBs were formed at exactly the same time

(4 Myr ago) and that the counterparts evolve completely separately from the neutron

star. Whilst these assumptions may be acceptable, this should be confirmed. In par-

ticular, the value of 4 Myr for the age of BeXRBs should be reexamined and better

justified. The simulation also assumes that the binary survives the supernova that

creates the neutron star, regardless of the kick velocity imparted. Whilst Portegies

Zwart (1995) have shown that the value of the kick velocity experienced by the sys-

tems has very little effect on the spectral distribution of BeXRB counterparts (see

Section 1.5.3), it may be that, when these effects are fully accounted for, the dis-

tribution of available kick velocities is truncated. The simulation does not take the

current X-ray coverage of the SMC into account. Some of the simulated sources

are located on the very edge of the SMC. This leads to outliers in the simulated

source-cluster separation distribution, which may lead toa significant difference

when compared with the real BeXRB-cluster separations. However, if these areas
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have not been observed with any of the X-ray telescopes then these sources should

not be included in the final simulated source-cluster separations, as any BeXRB

population in these regions are also not included in the realsample. Until recently,
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Figure 5.9: Results of the simulation described in Section 5.2.1. The crosses mark the positions of the real SXPs, the circles show the positions
of sources generated by the simulation. From left to right, panels show sources generated when only the youngest, mid-aged and oldest clusters
in the Glattet al. (2010) catalogue are considered as potential natal clusters.
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much of the X-ray coverage of the SMC has focused on the Bar (Galacheet al.,

2008), with occasional deeper looks at the Wing (e.g. McGowan et al.2008). The

XMM catalogue (Haberlet al., 2012a) has observed the entire SMC down to a lim-

iting magnitude of a few 1033 erg s−1: the quiescent level of BeXRBs. This should

lead to a complete catalogue of SMC BeXRBs with even coverage, allowing an

envelope to be defined outside which any simulated sources should be discounted.

No information is available in the Bica and Dutra (2000) catalogue about the age

of the stellar clusters. This information is included in themore recent, but smaller

Glattet al.(2010) catalogue, which is approximately half the size of Bica and Dutra

(2000). Nevertheless very preliminary results, shown in Figure 5.2.1.1 do suggest

that when the clusters are divided into three age ranges,≤ 107 yr, 107−108 yr and

≥ 109 yr and each subgroup of clusters are considered as potentialnatal clusters

in turn, it is the youngest clusters which produce the resultmost consistent with

observations. The KS test gives probabilities that the separations of the simulated

and real sources from the clusters are drawn from the same distribution of 44%,

3.0% and 0.19% for the youngest, mid-aged and oldest clusters respectively. More

generally, the simulation has only been run using the kick velocity distribution of

Pfahlet al.(2002). Several other hypothesised distributions exist (e.g. Arzoumanian

et al.2002) which should also be trialled, potentially leading tosome to being ruled

out.

5.3 BeXRB Neutron Star Mass Distribution

As mentioned in Section 5.1, the different supernovae are expected to produce dif-

ferent mass neutron stars. Constraining the neutron star mass is notoriously difficult.

To date only a handful of the neutron stars in HMXBs have had their mass reliably

constrain, all of which have been in eclipsing systems (e.g.OAO 1657-415, Mason

et al.2012 for a recent example). However thelog10(−Ṗ)− log10(PspinL
3
7) diagram

of Ghosh and Lamb (1979), introduced in Section 1.5.6, does allow for the mass of

the neutron star to be inferred from observational measurements, under certain as-

sumptions. Figure 5.3 shows alog10(−Ṗ)− log10(PspinL
3
7) diagram with the subset

of the sources in Section 5.1.1, for which−Ṗ is known (see Table 5.2). These are

sources that have had outbursts long enough to determine−Ṗ, PspinandL37. The

theoretical curves over plotted show the relationship between the two parameters

for different neutron star masses, assuming a magnetic moment of µ30 = 0.48 (the

best fit value from Ghosh and Lamb 1979).



118 Chapter 5. SMC BeXRB as probes of NS Formation Channels

0 1 2 3 4
log10(PL37

3/7)

−6

−4

−2

0

2

lo
g 1

0(
dP

/d
t)

0.5MO •

1.9MO •

µ30=0.48

Figure 5.10: log10(−Ṗ)− log10(PspinL
3
7 ) diagram for the SMC BeXRBs.

Approximately 100 of these theoretical curves were generated in the neutron

star mass range 0.1−3.5 M⊙, assumingµ30 = 0.48. The masses corresponding to

the contours which intersected the data points (within errors) are shown in Figure

5.3. There is no clear evidence for a bimodal mass distribution, however as with

the BeXRB-cluster separations, this does not mean that the true mass distribution is

not bimodal. The errors on thePL
3
7 values, which are driven by the errors on the

luminosities, are large enough to disguise any bimodality and this method requires

the BeXRBs to have the same magnetic moments - an assumption which may not

be valid.

5.4 Conclusion

Thus far, no evidence has been found to support the hypothesis of two different

channels of neutron star formation using the SMC BeXRBs (beyond that given in

Kniggeet al.2011). The spatial distribution of the stellar clusters in the SMC makes

it impossible to determine the underlying kick velocity distribution of the neutron

stars from the BeXRB-cluster separation alone. Simple simulations are not yet able

to reproduce the distribution of the SMC BeXRBs, however I have identified several

areas where these simulations can be improved. More detailed cluster catalogues are
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Figure 5.11: Histogram of the neutron star mass values consistent with the−Ṗ−
PspinL

3
7 values of the SMC BeXRBs, assumingµ30 = 0.48.

Table 5.2: Subset of SXPs in Table 5.1 for which−Ṗ is known. All measurements
are simultaneous.

SXP ID
Pspin Ṗ L37

s s s−1 ×1037 erg cm−2 s−1

SXP2.37 2.372±0.001 −3.10±0.02×10−6 21.1±0.24

SXP6.85 6.851±0.002 −3.13±22.5×10−6 1.44±0.20

SXP7.78 7.785±0.002 −2.23±0.10×10−5 0.66±0.12

SXP18.3 18.38±0.01 −7.40±0.09×10−5 1.66±0.13

SXP46.6 46.5±0.05 −5.40±5.67×10−5 0.60±0.12

SXP59.0 58.8±0.02 −3.22±0.09×10−4 2.16±0.22

SXP91.1 90.1±0.05 −1.49±0.04×10−3 1.68±0.11

SXP169 167±0.5 −3.17±0.32×10−3 1.20±0.22

SXP172 172.2±0.2 −1.52±0.09×10−3 0.36±0.14

SXP172 171.6±0.2 −2.11±0.26×10−3 0.60±0.12

SXP323 319±0.5 −9.90±0.34×10−3 0.84±0.14

SXP892 895±5.0 −2.40±1.23×10−2 0.48±0.12
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required which include the approximate ages of the stellar clusters to fully explore

any cluster age dependence hinted at here. A complete SMC BeXRB catalogue is

also needed for the results of the simulation to be convincing.

The current observational parameters of the BeXRBs are not of sufficient quality

to determine the underlying mass distribution of the BeXRB neutron stars. All of

the data in Table 5.2 has come from theRXTEmonitoring of SMC. The lack of

imaging introduces a large error in the luminosity values ofthe outbursts as it is not

possible to identify the background level. Observations ofType II outbursts with

the next generation of X-ray telescopes, e.g.XMM-Newtonor Chandrawould have

smaller errors on the flux values which may improve the mass determination fol-

lowing the method outlined in Section 5.3. A better understanding of the magnetic

fields of BeXRBs is required to validate or refute the assumption that the magnetic

moments of the BeXRBs are approximately the same, currentlythe data are com-

pletely consistent with neutron stars of equal mass with varying magnetic moments

(see Figure 1.21). Maggiet al.(2013) have discovered the first eclipsing BeXRB in

the LMC. Should a population of eclipsing BeXRBs exist, they would be an invalu-

able tool. Mass determinations of their neutron stars wouldbreak the neutron star

mass-magnetic moment degeneracy and could be used to determine an acceptable

average value for the magnetic moment (if indeed such a valueexists). This in turn

may allow for the mass distribution of the SMC BeXRBs to be determined using

the method detailed in this Chapter.
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6
Conclusions & Future Work

Throughout my PhD I have studied HMXBs both individually andas a population.

In this Chapter, I will summarise my work and identify areas where my results may

be used as stepping stones for new projects.

In Chapter 2 I explain the decrease in the pulsed fraction of Swift J045106.8-

694803 with increasing energy and the anticorrelation of the hardness ratio and

pulse profile with a two component source spectrum (an absorbed power law and

black body). Simulations run to reproduce the anticorrelation in the pulse profile

and hardness ratio show that this behaviour can be explainedif the two components

are pulsating∼ π out of phase. Despite the fact that both spectral componentshave

similar pulsed fractions, the combined effect of the two pulsating components has

very little effect on the overall spectrum at energies& 3 keV, thus explaining the

reduction in the pulsed fraction. The temperature and X-rayluminosity of the black

body suggests an emitting radius of 0.5± 0.2 km. This, along with the apparent

variation of the black body with rotation, suggests the emission originates from a

polar cap. The simulated pulse profile of the black body was used to constrain the

angles between the rotation axis and the magnetic axis,α and the angle between the

rotation axis and line-of-sightζ .

In Chapter 3 I decompose the apparently broad iron line of CI Cam into three

intrinsically narrow lines, neutral Fe-Kα and Kβ and almost completely ionised

121
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FeXXV Kα. It is unclear how both neutral and almost fully ionised ironcan co-

exist and could suggest multiple emitting regions. The ironabundance implied

by the ratio of the neutral Kα and Kβ line fluxes is consistent with solar within

errors. The light curve extracted in the energy range definedas the Fe-Kα line

from the spectral fits (6.20-6.55 keV) shows marginal evidence for a lag when cross

correlated with that of the continuum.

Chapter 4 describes the search for HMXBs in the Phoenix dwarf galaxy, a dwarf

irregular galaxy with similarities to the SMC. None of the 81 X-ray sources de-

tected in theXMM-Newtonfield of view have the X-ray and optical characteristics

of an HMXB. More generally, Chapter 4 spotlights the difficulties of searching for

HMXBs, in particular BeXRBs.The transient nature of these systems make single

epoch searches ineffective, unless the limiting flux of the observation probes down

to their quiescent level. The similarity of HMXB and AGN spectra makes it impos-

sible to distinguish between the two in the low count rate regime. Similarly, simu-

lations of simple sine waves indicate that detecting pulsations (conclusive evidence

for the presence of a neutron stars) requires a greater countrate than that observed

in the brightest source in Chapter 4. Multiple observations of limited depth which

can identify short term X-ray variability are a much more effective way of detecting

these sources (e.g. Galacheet al.2008).

Chapter 5 presents the work done searching for evidence of twodifferent chan-

nels of neutron star formation. Thus far, no evidence has been found to support the

hypothesis of two different channels of neutron star formation in the cluster-BeXRB

separations or in the neutron star masses implied by thelog10(−Ṗ)− log10(PspinL
3
7)

relation. However, the results are preliminary, and many ofthe areas requiring im-

provement before this work is published are already highlighted within the Chapter.

6.0.1 Future Work

The source discussed in Chapter 2, Swift J045106.8-694803, is the latest member

of an emerging subclass of BeXRB which are characterised by persistent low lu-

minosity (LX < 1036 ergs s−1), long pulse period (P > 100 s) with hot black body

components (kTBB < 1 keV). I would like to extend the work done in Chapter 2 to

six other persistent BeXRBs listed in Table 2.1, at least oneof which has shown sim-

ilar behaviour to Swift J045106.8-694803 (an anticorrelation between the hardness

ratio and pulse profile): RX J0146.9+6121 (La Palombara and Mereghetti, 2006).

Most of these sources have much greater signal to noise and socould be used to test

the simulation by performing pulsed phased spectroscopy inparallel and comparing
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the results. If valid, the results of the simulation can thenbe used to constrain the

geometry of all of these systems.

The high spin-up rate of Swift J045106.8-694803 suggests itis an accreting mag-

netar candidate along with other members of this class, 4U 2206+54 and SXP1062,

suggesting a link between the magnetic field and the hot excess. However, at least

one of these sources (X Per) does not demonstrate any magnetar characteristics.

The magnetic fields of all the remaining sources have thus farbeen assumed to be

B∼ 1012 G. Using archival measurements of spin and luminosity and the formulae

of Ghosh and Lamb (1979) and Shakuraet al. (2012) the magnetic fields of the

remaining sources could be determined and any link between the two parameters

further explored.

Further observations of CI Cam (the topic of Chapter 3) of increased duration

would allow the presence of the lag to be confirmed or, indeed,refuted. They could

also allow me to explore the possibility of any lags between the ionised Fe-Kα line

with both the continuum and the neutral Fe-Kα line. This in turn could provide

further insight into the system, identifying where the different ionisation states of

iron exist in relation to each other and the X-ray source. I would like to continue this

work by searching for time delays in the iron line of the only other known sgB[e]-

XRB, IGR J16318-4848. Interestingly this source shows no evidence for an ionised

Fe-Kα line, indicating there is a clear difference between the twosources.

In Chapter 5 I identify several of the reasons that make the SMCideal for doing

population studies of HMXBs: its well constrained distance, the high density of

source and small angular size. TheXMM-Newtonsurvey of the SMC (and ongoing

survey of the LMC) provide a homogeneous sample of B[e] stars all at the same

distance and observed down to a similar flux limit. It has beenhypothesised that

binary interactions could be somewhat responsible for the B[e] phenomenon (e.g.

Zickgraf 2003; Kastneret al. 2010), however as yet only three B[e] binaries are

known (Ci Cam and IGR J16318-4848, which appear to be bona fide HMXBs and

Wd1-9, a colliding wind binary). Much controversy has surrounded the nature of

the compact object in CI Cam (and to a lesser extent IGR J16318-4848) due to the

uncertainty in the distances to these systems.

By identifying an extragalactic population of these sources, with well defined

distances, I could get an idea of the range of X-ray luminosities these sources can

have, which in turn can be used to better understand the Galactic population. Two

sgB[e] stars have already been identified as X-ray sources inthe preliminary data

analysis. One in the SMC (S18) and one in the LMC (S134). An archival study

of the optical behaviour of S18 has already shown it does not conform to the tradi-
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tion picture of sgB[e] stars as essentially static objects.It is highly photometrically

and spectroscopically variable with no obvious correlation between the two. Shore

et al. (1987); Zickgrafet al. (1989) have already suggested that the highly variable

behaviour of the HeII 4686Å line in particular is caused by binarity. Any X-ray

emission in excess of that expected from such a star would addweight to this sug-

gestion and could possibly identify the nature of the unseencompanion. Further

work is required to confirm that these are genuine counterparts to the sgB[e] stars

and extract hardness ratios. These can be compared with those of CI Cam and IGR

J16318-4848, Wd1-9 and simulated spectra of background AGN to confirm the na-

ture of these X-ray sources. Along with any other sgB[e] stars yet to be identified

in the survey and flux limits for any undetected sources, thiswill be the first study

of sgB[e] stars as a population in X-rays.
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Table A.1: Properties of all the sources detected in theXMM-Newtonobservation of the Phoenix dwarf Galaxy. Count rates and fluxes are both

given for the 0.2–12 keV energy range. The log(fX
fopt

) is calculated from the 0.2–4.5 keV flux values and the optical data available inthe LGGS
or USNO catalogues. The classification column follows the designation in the text with classifiedsources in square brackets. Unclassified
sources are listed as “unclass”. Sources marked with∗ were analysed in Section 4.5 withXSPEC and so the flux values come from the model
fit to the spectrum.

ID
RA Dec err1σ Count rate flux log( fX

fopt
) HR1 HR2 HR3 HR4 Classification

J2000 J2000 arcsec 10−3 s−1 10−14 ergs cm−2 s−1

47 01:49:43.7 -44:26:46.4 2.1 10±1 2.4±0.8 -0.05 0.0±0.1 -0.1±0.1 0.1±0.2 -1.0±0.3 [hard]
23 01:49:54.1 -44:22:49.3 1.7 12±2 8±1 0.7±0.3 0.7±0.1 -0.2±0.1 0.6±0.1 [hard]
36 01:49:54.4 -44:25:04.0 1.7 11±1 8±1 0.4±0.2 0.1±0.1 -0.9±0.2 0.98±0.07 unclass
81 01:49:54.8 -44:32:27.9 1.6 24±2 12±2 -0.41±0.08 0.1±0.1 0.1±0.1 0.62±0.06 [hard]
91 01:50:02.1 -44:34:56.2 1.8 17±2 6±2 -0.78±0.09 0.5±0.1 0.0±0.1 0.53±0.07 [hard]
15 01:50:03.5 -44:21:23.5 1.7 5.9±0.8 0.6±0.3 0.2±0.1 0.1±0.1 -0.5±0.2 0.8±0.3 unclass
84 01:50:06.8 -44:33:20.0 1.8 11±1 1.0±0.9 -3.10 0.05±0.09 -0.6±0.1 0.1±0.3 0.3±0.3 [fgstar]
25 01:50:07.6 -44:22:54.4 1.6 24±1 3.9±0.7 -0.02 0.04±0.06 0.04±0.06 -0.32±0.08 0.1±0.1 [hard]
31 01:50:11.5 -44:23:23.2 1.5 30±1 5.3±0.7 0.18 0.11±0.05 -0.13±0.05 -0.43±0.07 0.1±0.1 [gal]
49 01:50:12.7 -44:26:58.6 1.5 33±1 11±1 -0.30 0.70±0.07 0.52±0.04 -0.32±0.04 -0.13±0.0 [hard]
33 01:50:14.9 -44:24:04.2 1.6 7.0±0.8 1.4±0.4 0.9±0.2 0.66±0.09 -0.1±0.1 -0.3±0.2 [hard]
70 01:50:15.0 -44:30:41.1 1.6 8±1 2.2±0.7 0.1±0.1 -0.1±0.2 -0.5±0.1 0.4±0.2 unclass
96 01:50:15.4 -44:35:51.4 1.5 67±2 19±2 1.13 0.23±0.04 0.15±0.04 -0.33±0.04 -0.07±0.08 [hard]
7 01:50:19.4 -44:39:56.0 1.5 58±2 13±2 -0.44 -0.17±0.04 -0.20±0.05 -0.43±0.07 -0.4±0.3 unclass
71 01:50:19.7 -44:30:47.7 1.6 19±1 3.4±0.5 0.87 0.04±0.08 0.18±0.07 -0.20±0.07 -0.4±0.1 [hard]
3 01:50:20.5 -44:17:10.6 1.7 11±1 6±1 0.1±0.2 0.4±0.1 -0.3±0.1 0.5±0.1 [hard]
42 01:50:20.7 -44:25:55.5 1.7 6.9±0.8 3.0±0.7 0.08 0.2±0.1 0.0±0.1 -0.5±0.2 0.7±0.1 unclass
4 01:50:23.8 -44:17:08.7 1.6 17±2 2.2±0.6 0.15 0.1±0.1 0.0±0.1 -0.3±0.1 0.4±0.1 [hard]
14 01:50:24.2 -44:20:49.1 1.6 6.8±0.7 0.9±0.4 -4.55 0.32±0.08 -0.61±0.09 -1.0±0.4 1.0±1.9 fgstar
39 01:50:28.1 -44:25:35.2 1.7 11.6±0.7 1.5±0.3 -0.90 0.79±0.05 -0.36±0.06 -0.5±0.1 -0.8±0.3 gal
11 01:50:28.7 -44:19:27.7 1.7 8.6±0.8 5.8±0.9 0.3±0.3 0.7±0.1 -0.3±0.1 0.3±0.1 [hard]
41 01:50:29.0 -44:25:51.7 1.6 15.3±0.8 3.0±0.4 0.40±0.06 -0.05±0.06 -0.65±0.07 0.2±0.1 [gal]
82 01:50:32.9 -44:32:32.2 1.6 9.4±0.8 1.4±0.4 0.27 0.2±0.1 0.10±0.09 -0.3±0.1 -0.6±0.3 [hard]
90 01:50:38.5 -44:34:45.5 1.5 60±2 9.2±0.8 0.27 -0.03±0.03 -0.14±0.04 -0.42±0.05 -0.3±0.1 unclass
1 01:50:39.2 -44:40:25.5 1.9 9±2 5±2 -0.2±0.2 0.3±0.2 0.0±0.2 -0.1±0.4 [hard]

35∗ 01:50:41.0 -44:24:32.9 1.5 18.0±0.8 1.9 -0.38 0.11±0.06 0.02±0.06 -0.17±0.06 -0.30±0.09 [AGN]
56 01:50:42.7 -44:29:04.5 1.5 22.4±0.8 2.5±0.2 -2.20 0.42±0.04 -0.38±0.04 -0.72±0.06 -0.1±0.2 fgstar
99 01:50:43.6 -44:36:13.1 1.6 12±1 2.6±0.8 -4.46 0.2±0.1 0.19±0.09 -0.5±0.1 0.1±0.2 fgstar
68 01:50:45.2 -44:30:34.7 1.6 15±1 6.3±0.7 -0.12 0.0±0.1 0.17±0.09 -0.3±0.1 0.46±0.09 [AGN]
54 01:50:45.3 -44:28:29.2 1.6 7.1±0.5 1.5±0.3 0.08 0.26±0.09 -0.16±0.09 -0.5±0.1 0.3±0.2 unclass
12 01:50:46.6 -44:20:31.6 1.7 4.4±0.5 2.0±0.5 0.4±0.2 0.0±0.1 -0.1±0.2 0.2±0.2 [hard]
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ID
RA Dec err1σ Count rate flux log( fX

fopt
) HR1 HR2 HR3 HR4 Classification

J2000 J2000 arcsec 10−3 s−1 10−14 ergs cm−2 s−1

52∗ 01:50:47.2 -44:27:44.2 1.5 47±1 6.5 -0.14 0.09±0.03 0.00±0.03 -0.43±0.03 -0.34±0.06 [AGN]
61∗ 01:50:51.8 -44:29:38.4 1.5 20.2±0.8 3.8 0.42 0.07±0.05 0.13±0.04 -0.29±0.05 -0.7±0.1 [AGN]
100 01:50:54.5 -44:36:23.7 1.7 9.4±0.9 2.3±0.6 -0.31 -0.1±0.1 -0.1±0.1 -0.5±0.2 0.6±0.2 unclass
62 01:50:54.6 -44:29:44.7 1.7 3.4±0.4 0.9±0.3 -0.07 0.1±0.2 0.0±0.2 0.3±0.2 -0.1±0.2 [hard]
66 01:51:00.1 -44:30:19.6 1.7 13±1 1.4±0.3 0.4±0.1 0.2±0.1 -0.3±0.1 0.2±0.1 [hard]
34∗ 01:51:00.5 -44:24:29.7 1.6 7.3±0.5 1.2 -0.12 0.00±0.09 0.09±0.08 -0.4±0.1 0.2±0.2 [AGN]
9 01:51:02.9 -44:18:52.4 1.5 21±1 9.4±0.8 0.77±0.09 0.42±0.06 -0.21±0.06 0.08±0.07 [hard]
16 01:51:03.2 -44:21:39.3 1.8 3.5±0.4 1.0±0.3 0.3±0.2 0.2±0.1 -0.2±0.1 0.0±0.2 [hard]
58 01:51:04.3 -44:29:23.7 1.6 9.9±0.6 1.5±0.2 0.07 0.05±0.06 -0.26±0.07 -0.2±0.1 -0.1±0.1 unclass
48 01:51:04.6 -44:26:49.2 1.7 2.8±0.3 0.4±0.2 -0.61 -0.2±0.1 -0.2±0.2 -0.4±0.2 0.0±0.4 unclass
10 01:51:09.0 -44:18:56.0 1.6 20.7±0.8 4.3±0.5 0.21 -0.13±0.04 -0.09±0.05 -0.49±0.07 0.1±0.2 [gal]
21 01:51:13.7 -44:22:46.2 1.7 8.7±0.9 1.1±0.3 0.9±0.1 0.3±0.1 -0.1±0.1 -0.1±0.1 [hard]
28 01:51:13.8 -44:23:07.8 1.6 19±1 3.2±0.4 0.47 0.22±0.08 0.05±0.08 -0.16±0.08 -0.2±0.1 [hard]
38 01:51:14.9 -44:25:09.9 1.6 9.8±0.5 1.5±0.2 0.39±0.07 0.14±0.06 -0.32±0.07 -0.7±0. [hard]
2 01:51:17.6 -44:40:14.9 1.6 9±1 2.3±0.8 0.1±0.1 -0.4±0.1 0.2±0.2 0.5±0.3 unclass
22 01:51:21.6 -44:22:43.2 1.6 16±1 1.3±0.2 0.04±0.09 0.24±0.08 -0.48±0.08 0.27±0.08 unclass
55 01:51:22.5 -44:28:39.6 1.6 7.3±0.5 1.1±0.2 0.14±0.09 0.19±0.08 -0.35±0.09 -0.7±0.2 [hard]
13 01:51:23.3 -44:20:44.0 1.6 7.1±0.6 1.7±0.3 0.9±0.1 0.39±0.07 -0.43±0.08 -0.1±0.2 [hard]
92 01:51:24.7 -44:35:09.2 1.6 21±1 10.0±0.9 -0.82 1.0±0.6 0.86±0.07 0.38±0.05 -0.27±0.0 [hard]
50 01:51:24.9 -44:27:23.9 1.6 6.8±0.6 1.6±0.3 0.2±0.1 0.0±0.1 -0.2±0.1 0.0±0.2 [hard]
72 01:51:25.9 -44:31:07.4 1.7 10±1 2.4±0.5 -0.1±0.2 -0.2±0.2 0.2±0.2 0.6±0.1 unclass
29 01:51:26.0 -44:23:11.9 1.7 4.8±0.5 1.0±0.2 0.4±0.1 0.1±0.1 -0.5±0.1 -0.1±0.2 unclass
20 01:51:28.6 -44:22:39.1 1.9 2.9±0.4 0.3±0.1 -0.84 1.0±0.2 0.1±0.1 -0.2±0.1 -0.6±0.3 [hard]
73 01:51:30.1 -44:30:54.3 1.5 23.2±0.9 5.2±0.5 0.12 0.25±0.05 0.01±0.05 -0.39±0.06 -0.1±0.1 [hard]
65 01:51:30.2 -44:29:57.0 1.6 17±2 3.0±0.5 0.4±0.1 0.19±0.09 -0.1±0.1 -0.1±0.1 [hard]
27 01:51:30.6 -44:22:54.9 1.6 9.0±0.5 1.2±0.2 -1.41 0.41±0.06 -0.48±0.06 -0.9±0.1 0.8±0.2 fgstar
74 01:51:32.1 -44:31:11.3 1.7 5.4±0.6 1.6±0.4 0.5±0.2 0.1±0.1 -0.9±0.1 0.9±0.1 unclass
59 01:51:37.3 -44:29:27.3 1.6 7.6±0.6 1.4±0.3 0.36±0.09 0.09±0.08 -0.4±0.1 -0.1±0.2 [hard]
63 01:51:39.7 -44:29:46.8 1.6 9.9±0.7 3.3±0.5 0.34±0.09 0.00±0.08 -0.3±0.1 0.1±0.1 [hard]
8 01:51:41.3 -44:18:27.3 1.5 35±1 7.0±0.7 -0.02 0.06±0.04 0.00±0.04 -0.25±0.05 -0.40±0.09 [hard]
6 01:51:41.4 -44:18:13.3 1.7 6.5±0.9 2.6±0.6 0.1±0.2 0.3±0.2 -0.5±0.2 0.7±0.1 unclass
67 01:51:41.8 -44:30:13.6 1.7 7.2±0.6 2.3±0.4 0.5±0.1 -0.2±0.1 0.0±0.1 0.1±0.1 unclass
85 01:51:42.0 -44:33:21.7 1.6 11.9±0.9 2.9±0.7 0.3±0.1 0.21±0.07 -0.51±0.09 0.0±0.2 unclass
45 01:51:42.7 -44:26:07.7 1.6 13.0±0.7 3.1±0.4 0.23±0.07 0.13±0.06 -0.25±0.07 -0.2±0.1 [hard]
17 01:51:43.3 -44:21:55.9 1.9 4.6±0.6 1.8±0.5 1.0±0.1 0.4±0.1 -0.1±0.1 0.2±0.2 [hard]
94 01:51:44.5 -44:35:31.1 1.7 11±1 6±1 0.6±0.1 0.2±0.1 -0.3±0.1 0.5±0.2 [hard]
18 01:51:45.6 -44:22:00.0 1.6 13.1±0.8 2.3±0.4 -0.58 -0.02±0.07 0.10±0.07 -0.28±0.08 -0.3±0.2 [hard]
101 01:51:49.9 -44:37:04.5 1.7 12±1 2.5±0.7 -0.48 -0.2±0.1 0.2±0.1 -0.1±0.1 0.0±0.2 [hard]
78 01:51:51.6 -44:32:17.5 1.8 4.1±0.6 0.6±0.4 -2.37 0.6±0.2 -0.2±0.2 -0.3±0.2 -0.4±0.4 fgstar
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ID
RA Dec err1σ Count rate flux log( fX

fopt
) HR1 HR2 HR3 HR4 Classification

J2000 J2000 arcsec 10−3 s−1 10−14 ergs cm−2 s−1

43 01:51:52.1 -44:25:46.1 1.6 10.5±0.6 1.3±0.2 0.13±0.07 0.00±0.07 -0.32±0.09 -1.0±0.2 [AGN]
80 01:51:55.4 -44:32:22.5 1.6 15±1 4.0±0.7 0.24 0.79±0.08 0.21±0.08 -0.13±0.08 0.0±0.1 [hard]
60 01:51:56.0 -44:29:28.7 1.6 10±1 3.1±0.7 -0.56 0.7±0.1 -0.2±0.1 -0.1±0.2 0.4±0.1 [gal]
83 01:51:57.2 -44:32:55.3 1.6 16±1 3.9±0.8 0.70±0.09 0.30±0.06 -0.20±0.07 -0.3±0.2 [hard]
30 01:51:57.4 -44:23:06.1 1.6 18±1 5.7±0.7 -0.20 0.09±0.08 0.11±0.07 -0.25±0.08 0.2±0.1 [hard]
57 01:52:00.7 -44:29:14.6 1.6 8.5±0.8 4.0±0.7 1.0±0.2 0.5±0.1 0.23±0.09 -0.1±0.1 [hard]
97 01:52:00.9 -44:35:54.5 1.6 25±1 5.0±0.9 0.37±0.07 -0.10±0.06 -0.08±0.07 -0.2±0.1 [hard]
19 01:52:02.6 -44:22:08.7 1.6 12.1±0.9 3.0±0.6 0.5±0.1 0.30±0.08 -0.08±0.08 -0.2±0.1 [hard]
26 01:52:11.1 -44:22:56.2 1.7 5.0±0.6 5±1 1.0±1.9 0.96±0.07 0.2±0.1 -0.5±0.2 [hard]
5 01:52:11.3 -44:18:08.8 1.6 27±3 31±6 0.6±0.1 0.4±0.1 -0.3±0.1 0.3±0.2 [hard]
37 01:52:25.0 -44:25:16.5 1.7 9.1±0.9 11±2 0.2±0.2 0.5±0.1 -0.2±0.1 0.3±0.1 [hard]



BIBLIOGRAPHY

Anders E., Grevesse N., 1989, Geochimica et Cosmochimica Acta, 53, 197

Antoniou V., Zezas A., Hatzidimitriou D., Kalogera V., 2010, Astrophys. J. Lett.,

716, L140

Arnaud K. A., 1996, in Jacoby G. H., Barnes J. (eds.),Astronomical Data Analysis

Software and Systems V, vol. 101 ofAstronomical Society of the Pacific Confer-

ence Series, p. 17

Arzoumanian Z., Chernoff D. F., Cordes J. M., 2002, Astrophys.J., 568, 289

Ashman K. M., Bird C. M., Zepf S. E., 1994, Astron. J., 108, 2348

Balan A., Tycner C., Zavala R. T., Benson J. A., Hutter D. J., Templeton M., 2010,

Astron. J., 139, 2269

Bambynek W., Crasemann B., Fink R. W., Freund H.-U., Mark H., Swift C. D.,

Price R. E., Rao P. V., 1972, Reviews of Modern Physics, 44, 716
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